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Abstract

Low-mass young stars that are a few million years old and called classical T Tauri
stars (cTTs) experience magnetospheric accretion. They are surrounded by a cir-
cumstellar disk (which consists of an inner and outer disk) and accrete matter from
it thanks to their magnetic fields. When the matter falls onto the star, it produces
an accretion shock, which generates veiling in the stellar spectra. The shock also
causes an accretion spot on the stellar surface. Misalignments between the stellar
rotation axis and the outer disk axis are not predicted by standard theories of stellar
formation, yet have been observed in several cTTs. This thesis studies one cTTs in
particular, DK Tau, which is suspected of being among them. Additionally, it is an
excellent subject to investigate the interaction between stellar magnetic fields and
material accreting from the circumstellar disk, since it displays clear signatures of ac-
cretion. Focusing on a single object allows one to uncover the physics that governs
its behavior, and the values derived from its analysis are important to constrain the
models of star formation.

One goal of this thesis is to study DK Tau’s average line-of-sight magnetic field
in both photospheric absorption lines and accretion-powered emission lines. The
second is to examine inconsistencies regarding the inclination of its rotation axis.
The third aim is to investigate the accretion, particularly the mass accretion rate,
using two different methods for comparison purposes. The last objective is to carry

out a preliminary study of its large-scale magnetic field configuration.

For these purposes, archival data from the CFHT/ESPaDONS and TBL/NARVAL
spectropolarimeters were used. The observations probe two distinct epochs (i.e.
2010 and 2012), allowing one to study the evolution of DK Tau over time. Each
dataset spans a few stellar rotation cycles and covers the optical range. First, stel-
lar parameters were determined. Next, the veiling was measured across the spec-
tra and its effects were removed. Then, least-squares deconvolution profiles of the
photospheric absorption lines were obtained, before determining the average line-of-
sight magnetic field from them. In addition, accretion-powered emission lines were
investigated as tracers of the magnetic fields present in the accretion shocks. Next,
the accretion luminosity was derived from multiple accretion-powered emission lines.
This was done in order to calculate the mass accretion rate. This value was then
compared to the one calculated from the fitting of accretion shock models onto the
values of veiling. Finally, Zeeman-Doppler Imaging was applied to the photospheric
absorption lines, in order to derive a first estimate of the photospheric brightness
distribution and magnetic field configuration.

It was found that peak values of the veiling (defined as the ratio between the



accretion shock and photospheric fluxes) range from 0.2 to 1.8, with a steeper trend
across the wavelength range for higher peak values. DK Tau shows a magnetic oblig-
uity of ~ 20°. Based on the Hel line, in 2010, the average line-of-sight magnetic field
reaches up to 1.77kG. In 2012, it reaches up to 1.99kG. The stellar rotation axis
is inclined by 58° (+18)(-11), which is significantly different from the outer disk axis
inclination of 21° given in the literature. Regarding the mass accretion rate, when us-
ing the accretion-powered emission lines, its values range from log (Macc[Mo yr~'])
= -8.20 to0 log (Macc[Mo yr~']) = - 7.40. This agrees with the values found in the lit-
erature, as well as the values calculated using the accretion shock models and the
veiling. Moreover, a power-law correlation between the values of the accretion lumi-
nosity and the optical veiling is identified.

In conclusion, DK Tau’s outer disk axis is likely misaligned compared to its rotation
axis. In addition, both procedures of determining the mass accretion rate provide
similar results. Furthermore, the correlation between the accretion luminosity and
the veiling provides a helpful method of confirming accretion luminosity values by
measuring the veiling at a single wavelength in the optical.
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Introduction

ﬁis introductory chapter, the various concepts relevant to the study of magnetic
fields and accretion processes in low-mass young stars (i.e. with M, < 2 M) will be
presented. To this end, the different stages of low-mass star formation will first be
described in Sect. 1.1. Next, Sect. 1.2 will focus on the magnetic field aspect of young
stars. The various techniques used in this work to study the stellar magnetic activity
will be explained. Sect. 1.3 will then focus on the accretion processes, starting with
a description of the current magnetospheric accretion paradigm. This will highlight
the interaction between the stellar magnetic field and the accretion mechanism. This
will be followed by a presentation of different accretion signatures. In Sect. 1.4, the
spotlight will shift from the stars to their circumstellar disks. Finally, Sect. 1.5 will
describe the characteristics of a particular young star, DK Tau, which is the focal
point of this work.

1.1 Low-mass star formation

1.1.1 General picture of low-mass star formation

The formation of low-mass stars begins with cold, dark and gaseous molecular clouds
in the interstellar medium (see panel a in Fig. 1.1). Their temperatures usually range
from 10 to 20K. In the Milky Way, molecular clouds vary largely in size and mass,
ranging from about 100 pc and 10® M, to less than 10 pc and 10° M, (see e.g. Bergin
and Tafalla 2007; Heyer and Dame 2015). The clouds are in an unstable equilibrium
due to their high mass and subsequent significant self-gravity. Some forces work to
maintain this equilibrium: centrifugal effects due to rotation, internal pressure gradi-
ents (due to turbulence and thermal processes) and forces due to the cloud’s mag-
netic field; while events like a supernova explosion, or transit through a high-density
zone can destabilize the clouds (see e.g. Feigelson and Montmerle 1999; Schulz
2005; Hartmann 2009).

When a part (of a few solar masses) of one of these clouds gravitationally col-
lapses (see panel b in Fig. 1.1), it does so typically by a factor of a million in linear
dimensions, and probably from the inside-out (see e.g. Shu 1977; Hartmann 2009).
It then forms protostars surrounded by disks and dusty envelopes (see panel ¢ in



1.1.1. General picture of low-mass star formation
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Figure 1.1 — lllustration of the stages of low-mass star formation (Greene 2001).

Fig. 1.1). Most low-mass stars form in binary or multiple star systems (see e.g. Hart-
mann 2009). For multiple systems, there can either be a disk around each protostar,
a disk around the star system, or both. Because matter flows from the disk onto the
forming star, it is called an accretion (or circumstellar, or protoplanetary) disk. The
disk is originally gas-rich, with the dust accounting for about 1% of its mass.

As hydrostatic equilibrium is established in the protostar’s core and the circum-
stellar envelope disperses, it transitions into a pre-main sequence star (PMS - see
panel d and e in Fig. 1.1). At this stage, the forming star is producing radiation solely
due to its gravitational contraction. Meanwhile, the circumstellar disk is losing matter
through accretion onto the central star (mostly), outflows and evaporation of gas by
high-energy stellar photons (see e.g. Feigelson and Montmerle 1999; Schulz 2005;
Hartmann 2009).

Finally, when hydrogen fusion begins in the central object’s core, it reaches the
main-sequence (see panel f in Fig. 1.1). At this point, the circumstellar disk has dis-
appeared. Some of its dust has agglomerated in the forming exoplanets and smaller
bodies. Most of its gas has been accreted by the star, has agglomerated in exo-
planets, and has photoevaporated (see e.g. Feigelson and Montmerle 1999; Schulz
2005; Hartmann 2009).

It can be noted that the discovery of gaps and rings in circumstellar disks around
young stars (for instance around HL Tau) may indicate that planet formation has al-
ready begun in less than a million years (see e.g. ALMA Partnership et al. 2015; Bae
et al. 2022). In other words, many millions of years before a star joins the main-
sequence. Figure 1.2 is an interferometric image of HL Tau and its circumstellar disk,



1.1.2. Stages of low-mass star formation

showing multiple gaps and rings (see ALMA Partnership et al. 2015).

Figure 1.2 — 1.3 mm ALMA continuum image of HL Tau and its circumstellar disk (ALMA Partnership
et al. 2015).

1.1.2 Stages of low-mass star formation

Protostars and PMS can be observationally classified into several categories, de-
pending on their evolutionary stage. Historically (see e.g. Lada and Wilking 1984;
Lada 1987; Andre et al. 1993), these classifications were morphological, depending
on the shape of the spectral energy distributions (SEDs) of the young stellar objects
(YSOs - i.e. the young stars and the surrounding material). More specifically, classes
were defined in terms of a, the slope of the SED in the infrared (IR) between approx-

imately 1 um and 100 um:
_ dlog(4 Fy)

dlog(A)

where A refers to the wavelength and F to the flux (see Lada 1987). Figure 1.3 illus-

(1.1.1)

trates the morphological differences between the different categories (see Persson
2014).

The evolutionary stages are defined based on the IR excess of the object and
the presence of strong emission lines, such as Ha. The IR excess corresponds to
the level of IR emission produced by the YSO, compared to the emission of its stellar
photosphere. This excess stems from thermal emission from the dust present in
circumstellar envelopes and disks. The strong emission lines are due to accretion
onto the central young star, as well as outflows (see e.g. Feigelson and Montmerle
1999; Schulz 2005; Hartmann 2009; Hartmann et al. 2016). In addition, different



1.1.2. Stages of low-mass star formation

Class 0 Class 1
N N
§ =2 IR Excess
2 =1 8
%0 =11}
=L Black S L
Body
i 1 1 1 ~ [ 1 1 A | S
1 10 100 1000 1 2 10 100 1000
A [pum] A [pum]
Class 11
N N
2 2|
s =38
=] =]
2 2
i 1 1 1 [} S i 1 1 1 \l‘ >
1 2 10 100 1000 1 2 10 100 1000
A [um] A [um]

Figure 1.3 — Theoretical SEDs of YSOs of different classes (Persson 2014).

stages are characterized by different optical depths for the surrounding material. The
optical depth (1) refers to the measurement of transparency of a medium as radiation
passes through it. At the wavelength A, it is defined as

mz/mpd (1.1.2)

with « the absorption coefficient at that A, p the density of the medium and L its geo-
metrical depth. The absorption coefficient contains contribution from the absorption
and scattering of photons. In the optically thin regime, the intensity of the observed
spectrum is directly proportional to the number of atoms along the line-of-sight that
are absorbing the light at the wavelength of observation. While in the optically thick
regime, not all the atoms are necessary to absorb all of the light at that wavelength.
Consequently, the absorption observed is not directly proportional to the number of
absorbing atoms. The transition between the optically thick and optically thin regimes
corresponds to 7, = 1 (see e.g. Tennyson 2005).

Figure 1.4 shows the various evolutionary stages (see Feigelson and Montmerle
1999). In particular, it provides the name of the category, displays a sketch of the sit-
uation, gives the age of the young star, provides the alternative name of the category
and gives the status of the circumstellar disk.

Protostars with infalling envelopes (see the second column in Fig. 1.4), also called
class 0 sources (see the top left panel in Fig. 1.3), correspond to young protostars
deeply embedded in their parent molecular cloud. They are between 10* and 10°
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Figure 1.4 — Types and properties of YSOs (adapted from Feigelson and Montmerle 1999).

years old. The protostars are invisible at optical wavelengths, but usually detected
in the far-IR or millimeter bands, because the surrounding envelope of dust absorbs
the stellar radiation and re-emits it at longer wavelengths. Most of the mass resides
in the envelope. Their SED corresponds to a cold blackbody (see e.g. Andre et al.
1993; Feigelson and Montmerle 1999; Schulz 2005).

Evolved protostars (see the third column in Fig. 1.4), also called class | sources
(see the top right panel in Fig. 1.3), are protostars surrounded by an optically thick disk
and envelope, which is dissipating. They are about 10° years old. They display strong
IR excess. The mass of the protostar now dominates compared to the envelope.
Their SED is broader than a blackbody distribution and rising after 2 microns (see
e.g. Lada 1987; Feigelson and Montmerle 1999; Schulz 2005).

Classical T Tauri stars (cTTs - see the fourth column in Fig. 1.4), also called class II
sources (see the bottom left panel in Fig. 1.3), are PMS. They are accreting from their
optically thick circumstellar disk, which is slowly dissipating. They are between 10°
and 107 years old. They present IR excess, are visible in the optical domain and
are strong Ha emitters. Their SED is again broader than a blackbody distribution,
but this time decreasing after 2 microns. T Tauri stars (TTs) are named after the
prototype T Tauri (see Joy 1945). They have spectral types ranging from M to F,
which correspond to effective temperatures ranging from 3000 to 7000K (see e.g.
Lada 1987; Feigelson and Montmerle 1999; Schulz 2005).



1.2. Stellar magnetic fields

Weak-lined T Tauri stars (wTTs - see the fifth column in Fig.1.4), also called
class Il sources (see the bottom right panel in Fig.1.3), are surrounded by a very
optically thin disk or have exhausted it entirely. They are between 108 and 107 years
old. They display weak (or non-existent) IR excess, are visible in the optical range
and present weak Ha emission. Their SED is similar to those of cool stars of similar
spectral type (except in the UV), with little or no excess emission (see e.g. Lada 1987;
Feigelson and Montmerle 1999; Schulz 2005).

The timescales for these different types of YSOs are theoretical. For protostars,
as the dusty material falling inward is not supported against the gravitational collapse
due to low-densities, the characteristic timescale corresponds to the free-fall time.
In contrast, TTs are in hydrostatic equilibrium. As they have not yet started nuclear
fusion, they are gravitationally contracting. Their timescale corresponds to the Kelvin-
Helmholtz thermal time, i.e. the ratio between the stellar gravitational energy and
luminosity (see e.g. Schulz 2005; Hartmann 2009; Krumholz 2015).

Observations have been used to infer large-scale magnetic fields for a multitude
of TTs (see e.g. Donati et al. 2011, 2019, 2020a). In particular, many of them have
complex field topologies, i.e. with considerable octupolar components and not only
strong dipolar components like the Sun. It should however be noted that the strength
of the higher order multipoles decreases quickly with an increased distance to the

stellar surface. A dipolar component decreases with r—2

, Whereas an octupolar com-
ponent decreases with r=°, with r denoting the distance to the stellar surface. This
means that on the stellar surface the octupolar component can dominate, while at
a few stellar radii the dipolar component generally dominates (see e.g. Hartmann
2009; Johnstone et al. 2014). It should also be mentioned that the magnetic fields
of TTs evolve with time (see e.g. Donati et al. 2008; Donati and Landstreet 2009;
Donati et al. 2011, 2012, 2013, and Chap. 3) The importance of magnetic fields in

star formation will be discussed in the following section.

1.2 Stellar magnetic fields

1.2.1 Roles of magnetic fields in star formation

Magnetic fields play several important roles in star formation. For instance, during
the collapse of the parent cloud, most of its matter is deposited onto the outer part
of the circumstellar disk, rather than onto the forming star. Despite this, the star
will ultimately possess the majority of the mass of the system, in comparison to any
exoplanets. This means that most of the material from the circumstellar disk must
travel inward through the disk and be transferred to the forming star through accretion.
Since it is believed that the stellar magnetic field is responsible for the existence of
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1.2.1. Roles of magnetic fields in star formation

accretion columns (see Sect. 1.3.1), it therefore plays a role in transferring mass from

the innermost disk to the star (see e.g. Bouvier et al. 2007; Hartmann et al. 2016).

The magnetic fields of the star and circumstellar disk are also thought to play a role
in stellar angular momentum evolution. Indeed, since molecular clouds experience a
dramatic and rapid reduction in size, any initial rotation should be vastly amplified by
the conservation of angular momentum during their contraction. However, observa-
tions show that TTs rotate much slower than what would be expected if all the angular
momentum from the cloud were transferred to them (see e.g. Lynden-Bell and Pringle
1974). This indicates the existence of a mechanism transferring the angular momen-
tum outward (see e.g. Bouvier et al. 2007; Hartmann et al. 2016). In addition, TTs are
still contracting, and assuming angular momentum conservation, this would increase
their spin. Accreting stars also experience additional spin-up effects due to accretion.
Yet PMS display lower spins than what is predicted by these considerations. Conse-
quently, these spin-up effects need to be counteracted by stellar angular momentum
loss (see e.g. Rebull et al. 2004; Bouvier et al. 2014; Hartmann et al. 2016). Scenar-
ios for the removal of stellar angular momentum are complex and depend on several
processes (see e.g. Zanni and Ferreira 2013; Bouvier et al. 2014). These include
angular momentum transport through the circumstellar disk, stellar and disk winds
(see the next paragraph), magneto-rotational instability (linked to magnetic field lines
threading the circumstellar disk - see Balbus and Hawley 1991), and magnetic influ-
ences. Through magnetic coupling, the star and the inner edge of the circumstellar
disk (outside of the co-rotation radius, where the the disk rotates slower than the star -
see Sect. 1.4.1) are synchronized to the same angular momentum, which helps spin-
down the star (see e.g. Koenigl 1991; Hartmann et al. 2016). The disk subsequently

carries the required amount of angular momentum outward.

The magnetic field is also believed to play a role in the launching of outflows (jets,
stellar and disk winds - see e.g. Frank et al. 2014; Hartmann et al. 2016), although
the different types of existing outflows and their exact production mechanisms are
not yet well understood. Jets are composed of highly collimated gas travelling at ve-

1 while winds are slower and less collimated.

locities ranging from 100 to 1 000 km s™
As an example, regarding the origin of a type of wind called magnetospheric ejec-
tions, differential rotation between the star and its circumstellar disk cause differential
rotation throughout the accretion columns. This leads to distortion of the magnetic
field lines and consequently to disconnections and reconnections in order to recover
the initial configuration. When this occurs, material can be ejected from the star-disk
system. These outflows therefore remove angular momentum from the system (in-
stead of transferring it back to the disk as in the previous scenario), also assisting in

the regulation of the stellar spin (see e.g. Zanni and Ferreira 2013).
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1.2.2 Zeeman effect

The Zeeman effect (see Zeeman 1896) can be used to observationally obtain in-
formation regarding the stellar magnetic field. This effect describes the impact of
a magnetic field on a spectrum: its atomic (and molecular) lines are broadened or
split (depending on the strength of the field and the sensitivity of the line in ques-
tion). An atom has several quantum numbers, including the total angular momentum
number J and the azimuthal numbers M. M, is the angular momentum projected
onto a specific axis, with M, = —J,-J + 1,...,J — 1,J. In the absence of a mag-
netic field, the quantum energy levels with set quantum numbers (including J), but
different M,, are identical. This means that there are 2J + 1 degenerate sub-levels.
However, in the presence of an external magnetic field, the degeneracy is removed.
Consequently, spectral lines that were previously blended will broaden or split (see
e.g. Tennyson 2005; Donati and Landstreet 2009; Oswalt and Bond 2013; Hussain
and Alecian 2014). Figure 1.5 illustrates the Zeeman effect for J =2 and J = 3. The
left side shows the degenerate sub-levels in the absence of a magnetic field. The
right side presents the 2J + 1 sub-levels that have split in the presence of an external
magnetic field.
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Figure 1.5 — Schematic view of the Zeeman effect. On the left side, without an external magnetic
field, the quantum energy levels are degenerate. On the right side, with a magnetic field, the energy
levels split into 2J + 1 sub-levels.

Working in the CGS unit system, the Zeeman effect is characterized by

e B
Adg = 2" =467 x 1072 A2 gey B, (1.2.1)

where AAg refers to the wavelength broadening, Ag is the central wavelength of the

8



1.2.3. Spectropolarimetry & Stokes parameters

line without a magnetic field (in nm), e refers to the charge of the electron, B is the
modulus of the stellar magnetic field (in G), m, is the mass of the electron and c is the
speed of light in vacuum. Finally, g.# is the dimensionless effective Landé factor of
the line. It quantifies the sensitivity of the line to the Zeeman effect, with magnetically
sensitive lines usually having Landé factors of 1 or higher. Because the wavelength
broadening scales with the square of the central wavelength of the line, the Zeeman
effect is more pronounced at longer wavelengths for a given magnetic field strength
(see e.g. Donati and Landstreet 2009; Schulz 2005; Morin 2012; Hussain and Alecian
2014).

The study of the Zeeman broadening/splitting of lines originating in the stellar
atmosphere gives information on the intensity of the stellar magnetic field, and even
on its topology. These studies rely on spectropolarimetric observations (see the next
section).

1.2.3 Spectropolarimetry & Stokes parameters

As stated in the previous section, magnetic fields can be examined using spectropo-
larimetric data. Spectropolarimetry consists in measuring the polarization of light,
as well as its intensity as a function of wavelength. Stokes (1852) showed that the
polarization properties of light can be described using four parameters, known as |,
Q, U and V. Stokes| (see the first row of Fig. 1.6) corresponds to unpolarized light.
It may be recovered by adding the right and left circular polarization for example.
Stokes Q and U (see the second row of Fig. 1.6) are measures of linear polarization.
Stokes V (see the last row of Fig. 1.6) quantifies net circular polarization. It is recov-
ered by subtracting the right and left circular polarization (see e.g. Kochukhov et al.
2011; Morin 2012). In this work, unpolarized light will be referred to as Stokes |, and
circularly polarized light as Stokes V.

Depending on the orientation of the stellar magnetic field compared to the line-
of-sight of the observer, the observed polarization will differ. In particular, Stokes V
is only sensitive to Bjps (see Sect. 1.2.5), the field along the line-of-sight integrated
over the visible stellar hemisphere (since the star is not resolved). This integration
potentially produces a cancellation effect (e.g. if the hemisphere harbors two spots
of opposite polarities, their signature will have opposite signs and the magnetic field
modulus might tend toward zero). This means that, in practice, Stokes V is only sen-
sitive to the (strength and geometry of the) large-scale magnetic field. Stokes I, on the
other hand, does not provide information on the vectorial properties of the magnetic
field (and therefore its geometry). However, it is not undergoing any cancellation ef-
fect, meaning that it will provide a correct estimate of the average magnetic field value
at the surface of the star. The information provided by Stokes | and Stokes V can be



1.2.4. Least-Squares Deconvolution
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Figure 1.6 — Definition of the Stokes parameters (Morin 2012). The red arrow represents the polar-
ization, with a straight arrow symbolizing linear polarization and a round arrow symbolizing circular
polarization. The vertical gray line represents the direction of reference for the measurements of
linear polarization. The angle mentioned above it refers to the angle between the direction of polar-
ization and the direction of reference.

used simultaneously to reconstruct the true strength and geometry of the magnetic
field (see e.g. Morin 2012; Tessore et al. 2017).

In the weak-field approximation, i.e. when the magnetic field is less than a few
kG, it can be shown that
V= Al cos 6 2 (1.2.2)
= —Geff BB a1 2.

where V refers to the amplitude of Stokes V, ges is the effective Landé factor of the
line, AAg is the value of the Zeeman splitting, 6 is the angle between the line-of-
sight and the magnetic field (with V being maximal when 6 = 0), and dly/dA is the
derivative of the intensity (i.e. of Stokes|, in the absence of a magnetic field) with
respect to the wavelength. This equation shows that the amplitude of StokesV is a
function of the strength of the magnetic field, through the Zeeman effect (see Donati
et al. 1997).

Unfortunately, at the scale of individual spectral lines, the Zeeman effect is often
quite weak. This is where the technique described in the next section is particularly

useful.

1.2.4 Least-Squares Deconvolution

Least-Squares Deconvolution (LSD) is a technique used to obtain the mean line pro-
file of a stellar spectrum (see Donati et al. 1997). The stellar magnetic field signature
often cannot be detected for a single line, as it is weak. This stems from the fact that
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the Zeeman effect is not resolved, it is smaller than the intrinsic width of the lines.
To get around this problem, LSD, a cross-correlation technique, can be used to add
the signatures from hundreds of photospheric absorption lines in order to obtain an
LSD profile, which can be seen as a summary of the chosen lines. This leads to a
better signal to noise ratio. It is possible under the hypothesis of self-similarity of the
selected lines. In the weak-line regime, it is assumed that the lines have essentially
the same shape, only at a different wavelength and rescaled as a function of depth
in the case of Stokes|, and as a function of depth and Landé factor in the case of
Stokes V. In addition, LSD works in the weak-field regime (see e.g. Donati et al. 1997;
Kochukhov et al. 2010).

The self-similarity hypothesis implies that the observed spectrum (Y) can be
viewed as the convolution between a line pattern function (M) and the mean line
profile (2):

Y=MxZ (1.2.3)

where Z is also called the LSD profile and M the line mask. The latter is a weighted
Dirac comb, containing the information on the position and depth of the chosen lines.
It is paramerized by the Landé factor g, the depth d and the central wavelength A of
the lines (see e.g. Kochukhov et al. 2010; Tessore et al. 2017). Figure 1.7 illustrates
the operating principle of LSD, with the bottom panel depicting the observed spectrum
(in black) as the convolution of the LSD profile (in red) with the line mask (in blue).

Figure 1.7 — Schematic view of the operating principle of LSD. The top panel symbolizes the mean
line profile, Z. The middle panel symbolizes the line pattern function, M. The bottom panel symbol-
izes the observed spectrum, Y. The x-axis represents the wavelengths and the y-axis the intensity
of the spectrum (by C. Delvaux).

In summary, the essence of LSD is to solve an inverse problem corresponding
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to Eqg. 1.2.3, i.e. to estimate the mean line profile for a given observed spectrum and
an assumed line pattern function. In other words, to deconvolve. Iteratively, LSD
searches for the mean line profile that, once convolved with the line pattern function,
gives a spectrum which is the closest to the observed spectrum in the least square
sense (i.e. by y? minimization - see e.g. Kochukhov et al. 2010).

Figure 1.8 shows an example of an LSD profile. The Stokes| profile (i.e. the
unpolarized spectrum) normalized to the continuum (/) is on the bottom panel and
the Stokes V profile (i.e. the circularly polarized spectrum) normalized to /; and scaled
by a hundred is on the top panel. As Stokes V corresponds to the subtraction of the
left and right circular polarization (with each one undergoing a wavelength shift due
to the Zeeman effect), this explains the shape of the profile: the signature has a peak
and a trough. Because the amplitude of Stokes V is a function of the magnetic field
strength, the greater the signature, the greater the magnetic field. It should however
be noted that the shape of the Stokes V profile differs depending on how the magnetic
field is distributed on the surface of the star. It does not necessarily have this simple
shape, but can be more complex (see e.g. the Stokes V profiles in Fig. 1.9).

100 x V/i,

-100 -50 0 50 100
Velocity (km.s™1)

Figure 1.8 — Example of an LSD profile for DK Tau (see Sect. 3.2.5). The top panel shows the
Stokes V profile (scaled by a hundred), while the bottom panel shows the Stokes | profile. Both are
normalized to the continuum (/) and shown as a function of the velocity.
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1.2.5 Average line-of-sight magnetic field

Bios!, the magnetic field along the line-of-sight and integrated over the visible stellar
hemisphere, can be derived from the Stokes parameters. This is done by using the
following equation on the LSD profiles for each night (see e.g. Rees and Semel 1979;
Donati et al. 1997; Wade et al. 2000; Morin 2012):

/ v V(v)dv
Ao9geiiC [ [le = 1(v)]dv

Bios = —2.14 x 10" (1.2.4)

where By is expressed in G, v refers to the radial velocity in the rest frame of the star,
V refers to Stokes V, A is the wavelength of the line center in nm, ges is the effective
Landé factor of the line, c is the speed of light in vacuum and is expressed in the
same units as v, / refers to Stokes | and /. to the level of the continuum in Stokes |.

This yields a value of B,s for each LSD profile. In other words, for each observation.

It should be noted that, since Bys represents a signed average over the visible
stellar hemisphere, regions of opposite polarities partly cancel out. Consequently, a
magnetic field with significant magnitude but a complex geometry might correspond
to an average line-of-sight magnetic field that is too weak to be detected.

1.2.6 Magnetic obliquity

Bios can be used to calculate the magnetic obliquity (). This is defined as the angle
between the stellar rotation axis and the magnetic field axis. Assuming a pure dipole,
Preston (1967) gives an estimate of § via the following equation:

1-H
i = arctan cot 1.2.5
) oas
where i is the angle between the rotation axis of the star and the line-of-sight (and is
determined observationally) and where

_ Bios(max)

H = Soslms
Bios(min)

(1.2.6)

with Bjps(max) and Bjs(min) the extreme values for the average line-of-sight mag-

netic field (out of the various values for the different nights).

For TTs, obliquities ranging from 5° to 60° have been measured (see e.g. John-
stone et al. 2014; Alencar et al. 2018; McGinnis et al. 2020; Pouilly et al. 2020; Donati
et al. 2020a; Finociety et al. 2023).

1Byys is also referred to as the longitudinal field, with the symbol B,. This term was not used in
this work in order to avoid confusion with its homonym B,,, the field along the east-west direction,
also called the azimuthal or longitudinal field (see e.g. Vidotto 2016).
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1.2.7 Zeeman-Doppler Imaging

In addition to By,s derivation, spectropolarimetric data can also be used to obtain
magnetic field maps with Zeeman-Doppler Imaging (ZDl). ZDl is a tomographic tech-
nique used to determine the large-scale magnetic field configuration of a star and
its photospheric brightness distribution. The ZDI code was originally developed by
Semel (1989). It was subsequently updated by Donati and Brown (1997). Further
implementations of the code were produced, for instance by Donati et al. (2006b) and
Folsom et al. (2018).

ZDI uses Stokes| LSD profiles to model the brightness map of the studied star
by fitting them with a synthetic photospheric line based on a Voigt profile (i.e. the
convolution between a Gaussian and a Lorentzian profile). In addition, as stated in
Sect. 1.2.3, Stokes | allows one to recover the total magnetic flux (through the Zee-
man effect) without being sensitive to the geometry of the magnetic field. ZDI also
uses Stokes V LSD profiles, which are mainly sensitive to By, but are subject to the
cancellation effect of opposite polarities. In cases where the evolution of the mag-
netic field with time is longer than the stellar rotation period, it is possible to map
the entirety of the visible large-scale field (i.e. excluding the parts of the field that
are constantly hidden by the star from the line-of-sight). This is done by obtaining
high-resolution spectra covering the full rotation period of the source. Indeed, they
capture the modulation of By, due to the rotation only (and not intrinsic variations,
as Bjos is expected in this case not to vary during the timescale of a stellar rotation
period), because magnetic regions cross the projected image of the stellar disk (see
e.g Semel 1989; Brown et al. 1991; Donati and Brown 1997; Donati et al. 2006b;
Folsom et al. 2018).

This projected image is divided into strips of apparent equal line-of-sight radial
velocity. This corresponds roughly to the longitude on the stellar surface. The light
originating from a particular area carries a certain Doppler shift (i.e. a receding lane
will be redshifted, while a lane that is coming toward the observer will be blueshifted).
This means that the polarized signature of a potential magnetic spot (also called
cold or dark spot, as they appear dark since they are cooler than the surrounding
photosphere) will occur at a specific wavelength position ruled by its Doppler shift.
This will provide the longitude of the spot. In addition, by using a time series of spectra
sampling the entire stellar rotation, it is possible to determine the latitude of the spot.
Indeed, as the equator rotates faster than the poles, it will impact the evolution of the
Doppler shift with time: near the pole, the Doppler shift will only distort the center
of the LSD profile; at the equator the distortion will reach the wings. Ultimately, ZDI
allows the localization of the magnetic spots in latitude, longitude and relatively to
each other, but also the determination of the orientation of the magnetic field vector
because of its impact on Stokes V (see e.g Semel 1989; Hussain et al. 2002; Clarke
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2010; Morin 2012).

Figure 1.9 illustrates the operating principle of ZDI (see Morin 2012). A simulated
star (and its respective spectrum) are shown at two different epochs. Three magnetic
spots on the surface of the star (in blue, green and red) produce a signal (which is
integrated over the visible hemisphere and projected onto the line-of-sight) simulta-
neously in the Stokes | (bottom part of the plots) and Stokes V (top part of the plots)
measurements. The symbol ¢ denotes the rotation phase. As the star rotates, the
positions of the spots (compared to the line-of-sight of the observer) shift and with it
the orientation of the stellar magnetic field. Because the observed polarization is sen-
sitive to the orientation of the magnetic field, the Stokes V signatures (which quantify
the circular polarization) will also vary with the stellar rotation. In contrast, there is no
impact on the unpolarized spectrum (Stokes | - see e.g Semel 1989; Morin 2012).
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Figure 1.9 — Schematic view of the operating principle of ZDI (Morin 2012). The top panels show
two representations of the surface of a star at different rotation phases, with three magnetic spots
(in blue, green and red). The bottom panels show the corresponding LSD profiles, with Stokes V
and Stokes | normalized to the continuum (/;) and shown as a function of the velocity. ¢ denotes the
rotation phase.

Starting from a basic model (a homogeneous photosphere in the case of Stokes |
and a zero-field map in the case of Stokes V), the ZDI code iteratively increases the
information on the model. It checks at each step if the polarized spectrum computed

15



1.2.8. Magnetic field description

from the model fits the observed data (i.e. the LSD profiles). It stops when the fit
reaches a given reduced y? (provided by the user). This yields a brightness map
and a magnetic map (see e.g Morin 2012; Folsom et al. 2018; Donati et al. 2020a).

1.2.8 Magnetic field description

ZDl maps (see Sect.5.2.1) usually display the different vector components of the
stellar magnetic field (see e.g. Vidotto 2016):

» The radial field (B,) which is the field radially away from the center of the star.

+ The azimuthal or longitudinal field (B,) which is the field along the east-west
direction.

» The meridional or latitudinal field (Bg) which is the field along the north-south
direction.

These components can be related to the decomposition of the magnetic field into
poloidal and toroidal components. The latter are expressed in terms of spherical
harmonics, following Donati et al. (2006b):

» The poloidal component corresponds to field lines that connect the poles (com-
posed of radial, azimuthal and meridional components).

» The toroidal component corresponds to field lines encircling the stellar rotation
axis (composed of azimuthal and meridional components only).

When producing the ZDIl magnetic maps, the ZDI code reconstructs spherical
harmonic coefficients. This means that the magnetic field reconstruction is saved in
a file listing those coefficients. They are the free parameters in the iterative fitting
of the Stokes V LSD profiles (see Sect. 1.2.7). They describe the complexity of the
magnetic field and are called a; m, Br.m and ye m:

* ay¢ m characterizes the radial component of the poloidal fraction of the magnetic
field.

* Be.m characterizes the tangential component of the poloidal fraction of the mag-
netic field.

* ve.m Characterizes the toroidal fraction of the magnetic field.

¢ and m are respectively called the degree and the order of the spherical harmonics
coefficients, with £ e Nand m € {0, ..., €}. {max is fixed by the user in the ZDI code.

Figure 1.10 is a schematic view of a spherical harmonic decomposition. Each
rectangle represents a stellar surface. The different colored sections represent op-
posite field polarities. The illustration depicts £ ranging from 0 to 3 and m reaching
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up to 3. It shows that the higher the degree ¢, the more complex the magnetic field
is. Though it should be noted that ZDI is only sensitive to the large-scale magnetic
field and does not provide information on the magnetic field at the granulation scale,
for instance. The ¢ = 1 components represent dipole fields (see the left panel in
Fig.1.11), the £ = 2 components represent quadrupole fields (see the right panel in
Fig. 1.11) and the £ = 3 components represent octupole fields. When m = 0 (see the
first columns in Fig. 1.10), the magnetic field is axisymmetric about the rotation axis.
As m increases (see the second, third and fourth columns in Fig. 1.10), the number
of nodes connecting the poles increases as well.

= m=73

Figure 1.10 — Schematic view of a spherical harmonic decomposition. The stellar spherical surface
is shown as a strip of the latitude as a function of longitude. The blue and gray sections represent
opposite field polarities.

Describing the magnetic field as a combination of spherical harmonics provides
direct access, for instance, to the percentages of poloidal and dipolar magnetic en-
ergy and to the level of axisymmetry of the magnetic field. In addition, it allows one
to compare with theoretical and numerical studies.

In the following section, accretion processes will be discussed. For this purpose,
the current magnetospheric accretion paradigm is first described. The term "magne-
tosphere" refers to the area surrounding the star dominated by the stellar magnetic
field. The paradigm explains the interplay of the stellar magnetic field and accretion
mechanism.
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Figure 1.11 — Schematic view of a dipolar (left panel) and quadrupolar field (right panel - adapted
from Finley and Matt 2017).

1.3 Accretion processes

1.3.1 Magnetospheric accretion paradigm

According to the current magnetospheric accretion paradigm (see e.g. Shu et al.
1994; Hartmann et al. 1994; Bessolaz et al. 2008; Kurosawa and Romanova 2013;
Hartmann et al. 2016), the magnetic field of cTTs (see the red lines in Fig.1.12)
is thought to be strong enough to interact with the circumstellar disk and produce
a magnetospheric gap. This truncation occurs at a distance of a few stellar radii,
where the pressure from the matter in the disk is roughly equal to the pressure from
the magnetic field. Because of this, the circumstellar matter that was migrating toward
the star through the plane of the disk can no longer do so. It is forced to flow in the
vertical direction and begins to follow the magnetic field lines into accretion columns
(see the yellow lines with black arrows in Fig. 1.12) in order to reach its destination.
Inside the accretion columns, the matter is gravitationally accelerated and heated up.
When it finally arrives at the stellar photosphere at near free-fall velocities (i.e. on the
order of 300kms™'), it merges with the photosphere (at rest) through a shock, in
which kinetic energy is converted into thermal energy. The shocks in turn generate
emission lines and an excess continuum (see e.g. Calvet and Gullbring 1998). This
excess continuum is superimposed on the photospheric spectrum, inducing veiling
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of the photospheric absorption lines (see Sect. 1.3.3).

Low-velocity
disk wind?

Inner hot é

dust wall Dusty disk

Disk wind/jet

Accretion shock

Hot continuum . Inner
emission (T= 8,000K); Broad gmission lines gas disk
some narrow lines; (T=107K)

X-rays?

Figure 1.12 — Sketch of the magnetospheric accretion for cTTs (Hartmann et al. 2016). It shows
the truncation of the inner circumstellar disk caused by the magnetic field (represented in red), to-
gether with the ensuing flow of matter in accretion columns, following the field lines. The matter is
accelerated and generates broad emission lines (e.g. Ha). When it arrives near the stellar surface,
it produces accretion shocks, and consequently accretion spots.

The shocks also cause the emergence of localized spots at the chromospheric
level (see e.g. Calvet and Gullbring 1998; Hartmann 2009; Hartmann et al. 2016).
These are called accretion spots (or hot spots, or bright spots). Espaillat et al. (2021)
have found that accretion spots display a radial density gradient: they have a denser
core that is surrounded by a lower-density region.

1.3.2 Accretion regimes

Magnetohydrodynamics simulations (see e.g. Kulkarni and Romanova 2008, 2009;
Kurosawa and Romanova 2013; Romanova et al. 2013) have proposed two accretion
regimes for cTTs: stable (see the left panel in Fig.1.13) or unstable (see the right
panel in Fig. 1.13). In the stable regime, the dipolar component of the magnetic field
is the dominant component at the inner edge of the circumstellar disk and the dipole
axis is misaligned compared to the rotation axis?. Consequently, the accreted matter
follows the magnetic field lines and falls onto the star via two main accretion columns
(that produce two accretion spots), one in each hemisphere, near the magnetic poles.
This configuration is stable over several rotation cycles. Observations have shown
that most cTTs are in the stable regime (see Gregory et al. 2012; Thanathibodee et al.
2023).

2The simulations consider that the rotation axis of the star coincides with the inner disk axis.
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P

. ‘] | \§s ‘,
il SO

Figure 1.13 — 3D magnetohydrodynamics simulations of the stable (left panel) and unstable (right
panel) accretion regimes (Kurosawa and Romanova 2013). The magnetic field lines are shown in
red. The colors in the background represent the density.

In the unstable regime (see e.g. Kulkarni and Romanova 2008; Kurosawa and
Romanova 2013), either the strength of the magnetic dipolar component at the inner
edge of the circumstellar disk is too weak, or the dipole axis is aligned with (or only
slightly titled compared to) the rotation axis, or both. This leads to accretion in the
equatorial plane through several sporadic accretion tongues (the shape and number
of which vary with time - producing multiple randomly distributed accretion spots) that
penetrate the magnetosphere. This is due to Rayleigh-Taylor instabilities between
the disk and the magnetosphere. Rayleigh-Taylor instabilities (see e.g. Chen 1984)
arise when the plasma is not uniform (e.g. presenting with a density gradient or a
sharp boundary) and an external non-electromagnetic force is applied to it. In this
case, the matter from the disk has a high density and is supported against gravity by
the magnetospheric plasma which has a low density. The timescale of the unstable
regime is a few times shorter than the stellar rotation period.

In addition to the dipole strength and to the magnetic obliquity, the geometry of
the accretion flow is affected by several physical parameters (see e.g. Kulkarni and
Romanova 2008; Kurosawa and Romanova 2013; Romanova and Owocki 2015). For
instance, higher accretion rates onto the stellar surface are associated with the un-
stable regime. Another example is the ratio between the truncation radius and the
co-rotation radius (which are defined in Sect. 1.4.1), which can be used to estimate
the boundary between the stable and unstable accretion regimes. Additional pa-
rameters that influence instability include the stellar rotation rate and the viscosity in
the disk. If one or a few of these factors change, there can be a transition between
the regimes. The mass accretion rate can experience both short term (i.e. days or
weeks) and long term changes (i.e. years) of the same intensity (see e.g. Venuti et al.
2014; Costigan et al. 2014). The stellar magnetic field configuration is not expected
to vary on timescales of days, but it can change significantly over the years (see e.g.
Donati et al. 2011).
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1.3.3. Veiling

1.3.3 Veiling

The accretion shocks are at a higher temperature than the stellar photosphere and
add an extra continuum to the photospheric continuum of the cTTs. This veils the
photospheric lines (such as Lii lines) by decreasing their depth (see e.g. Calvet and
Gullbring 1998; Hartmann et al. 2016). Indeed, due to the presence of this extra
continuum, the continuum of the whole spectrum is shifted to a higher intensity. When
the spectrum is then normalized, the intensity is divided by a value that is higher than
the stellar continuum. The absorption lines consequently appear shallower (see an
example of a veiled and deveiled line in Fig. 1.14).

DK Tau 2010-12-14

1.2 —— Veiled Lil line
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Figure 1.14 — lllustration of veiling of the Lii line. The veiled line is represented in blue, the veiling-
corrected line is in gray. Both are normalized to the continuum.

The veiling (R) is defined as the ratio between the flux coming from the accretion
shock and the flux coming from the stellar photosphere at a given wavelength (see
e.g. Hartigan et al. 1991; Fischer et al. 2011). In other words, if R = 1, the accretion
shock and photospheric flux are equal; if R = 0.2, the accretion shock flux is five
times weaker than the photospheric flux. Because of its nature, the value of the
veiling varies with wavelength: the accretion shocks emit most in the ultraviolet (UV)
range, then their emission decreases in the visible. Furthermore, as the star rotates,
the accretion shocks appear to be migrating with respect to the line-of-sight of the
observer, giving a temporal variation to the veiling. In addition, as the accretion rate
varies in time, the intensity of the veiling varies as well. The veiling can therefore
be used as a tracer of accretion activity and variability. The photospheric absorption
lines and their decrease in depth can be resolved using high-resolution spectra (by
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1.3.4. Accretion luminosity

comparing with the spectrum of the stellar photosphere), and the amount of veiling

can therefore be measured.

Determining the values of the veiling allows one not only to examine accretion
processes, but it is also necessary in order to study the stellar magnetic field. In-
deed, the decrease of the spectral line depths prevents accurate measurements of
the magnetic field. Therefore, the effect of veiling needs first to be removed be-
fore starting the magnetic field analysis. Fig. 1.15 illustrates the impact of veiling on
Stokes | LSD profiles, with the different nights in gray and their average in red. The
bottom left panel shows the veiled LSD profiles, at different depths. The bottom right
panel shows the deveiled LSD profiles, at the same depth, which is deeper than for

the veiled nights.
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Figure 1.15 — Impact of veiling on Stokes | LSD profiles. Average LSD profiles with veiling (left
panel) and without veiling (right panel). The LSD profiles from different nights are represented in
gray. The average LSD profiles over the total number of nights are in red.

1.3.4 Accretion luminosity

The mass accretion rate onto a star (M) is an important parameter when studying
accretion. For instance, it is a factor in determining the stability of accretion, as in-
stability is associated with higher accretion rates (see e.g. Kulkarni and Romanova
2008). In turn, the study of accretion and its variability from night to night is valuable
in investigating disk evolution and stellar formation. M,cc can be derived from the
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1.3.4. Accretion luminosity

accretion luminosity (L) via the following equation from Gullbring et al. (1998):

(1.3.1)

Lace =

GM*MEICC R*
R

where G is the gravitational constant, M, denotes the mass of the star, R, is the
stellar radius and Ri, is the inner radius of the circumstellar disk and is typically set
at the commonly used value for the truncation radius of 5 R,.

The accretion luminosity can be calculated from the luminosity of many different
accretion-powered emission lines (see e.g. Natta et al. 2006; Biazzo et al. 2012;
Manara et al. 2015). For example, in this work the Ha, HB, Hy, the Hel lines at
447.1 nm, 501.6 nm, 587.6 nm, 667.8 nm and 706.5nm, as well as the Cal infrared
triplet at 849.8 nm, 854.2 nm and 866.2 nm were used. Alcald et al. (2017) present the
following empirical relations between the accretion luminosity and the line luminosity
(Liine):

log (Lace/Lo) = a - log (Line/Lo) + b (1.3.2)

where a and b are parameters varying with the spectral line in question and L, is the
solar luminosity. To obtain these relations, they worked with a large sample of cTTs
from the Lupus star forming region. They first fitted each spectrum with the sum of a
photospheric template and the emission of a slab of hydrogen (to simulate the con-
tinuum excess emission due to accretion). They took the luminosity emitted by the
slab as the accretion luminosity. Then they plotted the various values of log (Lacc) 0b-
tained from their sample as a function of log (Line ), and fitted a linear relation through
the points (see Fig. 1.16 for an example for the Ha line). These relations have been
found to apply to a large number of star formation regions (see e.g. Natta et al. 2006;
Manara et al. 2012, 2016; Alcala et al. 2021; Gangi et al. 2022).
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Figure 1.16 — Empirical relation between the accretion luminosity and line luminosity for the Ha line
(Alcala et al. 2017).

The line luminosity itself can be derived from line flux (Fjine) through the following

23



1.3.5. Accretion shock models

formula:
Line = 47TD2FIine (1 -3-3)

where D denotes the distance to the star. The line flux is based on the deveiled
and flux-calibrated (in the case of non-flux-calibrated spectra - see Sect. 2.1) equiv-
alent width (EW) of emission lines. The flux-calibration uses a template of the stellar
photospheric continuum:

Fine = EWiine * Feont (1.3.4)

where EW)ie is the veiling-corrected EW of the line and Fcqpt is the flux of the con-
tinuum of the template at the wavelength of the line in question. The EW is deveiled
using the following formula:

EWiine = EWyeiled - (1 + R) (1 -3-5)

with EW,eijeq denoting the veiled EW and R the veiling.

1.3.5 Accretion shock models

A second approach for estimating the mass accretion rate uses accretion shock mod-
els. Firstintroduced by Calvet and Gullbring (1998), these models simulate the base
of an accretion column at the surface of a star (see also Lamzin 1995, 1998). They
are based on a geometry that is one-dimensional and plane-parallel and does not
distinguish between a single or a multitude of accretion spots.

The models are defined by the accretion energy flux (%) and filling factor (f). .%#
corresponds to the flux of energy carried by the accretion column into the shock, while
f corresponds to the fraction of the stellar surface that is covered by the accretion
spots.

The accretion energy flux is defined by Calvet and Gullbring (1998) with the fol-
lowing equation:

1
F = 5,ov;*' (1.3.6)

with p denoting the density of the material in the accretion column and v the free-fall
velocity of that material at the stellar surface. The free-fall velocity depends on the
stellar mass and radius via the following equation (see Calvet and Gullbring 1998):

1/2 1/2

2GM,
R

R
1 _*

Rin

(1.3.7)

where M, refers to the stellar mass, R, to the stellar radius and R;, is the radius

where the magnetosphere truncates the circumstellar disk. It is assumed that R;, =

5 R,, as stated in the previous section. It follows from Eq. 1.3.6 that, for a particular
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1.3.5. Accretion shock models

young star, low/high values of .% correspond to low/high densities of the material in
the accretion columns.

Each energy flux is scaled by a corresponding filling factor, which represents the
fractional surface coverage of the accretion spots. lts value ranges from 0 to 1, the
former corresponding to a non-existent spot, the latter to a spot of the size of the star.
If, for instance, f = 0.1, this signifies that 10 % of the surface of the star is covered by
accretion spots (either a single large spot or several smaller spots).

In addition to .% and f, the models depend on stellar parameters: the distance,
the luminosity (L), the radius, the effective temperature (T.g) and the mass of the
star. Once obtained, the models can be compared to observed spectra in order
to determine the values of .% and f that give the best fit. It should be noted that
decreasing the filling factor value will downscale the emission of the accretion column
independently of wavelength. On the contrary, changing the energy flux values will
shift the peak of the emission in wavelength (see Sect. 4.2.4).

Historically, the models were characterized by a single pair of .% and f. Ingleby
et al. (2013) updated them to allow for multiple accretion columns, by using multiple
energy fluxes, each one with its corresponding filling factor, to fit a single observa-
tion. In such a case, each energy flux is better constrained by different regions of
the spectrum. In general, the higher energy fluxes (i.e. higher densities accretion
column) peak in the UV and the lower energy fluxes peak in the optical. Figure 1.17
(see Espaillat et al. 2022) illustrates this aspect. It shows three models (in cyan,
sea-green and brown), each one fitting a different region of the observed spectrum
(in black) best. Further improvements continue to be made to the models (see e.g.
Robinson and Espaillat 2019; Espaillat et al. 2022; Pittman et al. 2022).

An alternative to comparing shock models to observed spectra is to derive mod-
eled values of veiling from the shock models. This is achieved by dividing the modeled
accretion shock fluxes with a photospheric template, since the veiling is defined as
the ratio between the accretion shock flux and the photospheric flux. The modeled
veiling can then be fitted to the observed veiling in order to determine the values of
% and f characterizing the data (see Sect. 4.2.4).

The mass accretion rate can be calculated using the obtained values of .# and f
in the following equation from Calvet and Gullbring (1998):

M
F =9.8x%x10"%ergss ' cm™ ( e )

10~ 8M, yr—!
M R\ £\
0.5Ms ) \ 2R, 0.01

where M, is the mass accretion rate, M, is the mass and R, is the radius of the

(1.3.8)
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Figure 1.17 — Fitting the continuum of CVSO 109A with accretion shock models (Espaillat et al.
2022). The continuum ranges from the near-UV to near-IR. The observed spectrum is in black,

the photospheric template is in dark blue. The best-fitting model is in red and is a combination of
three accretion shock models (in cyan, sea-green and brown). These models have energy fluxes of
1% 101 x 10" and 1 x 10"?ergs~" cm~2. The corresponding filling factors are 0.055, 0.017

and 0.001.

star.

As accretion processes involve not only the star but also its circumstellar disk, the

next section will focus on disks.

1.4 Circumstellar disks

The circumstellar disks of cTTs are composed of gas (mostly) and dust. They have
a life time on the order of a few million years (see Manara et al. 2023). They can be
divided into two parts: the inner disk and the outer disk. The inner disk is usually
considered to be at a distance smaller than 0.1 au from the star. It is the location
of the star-disk interactions and can reach temperatures higher than 1 000K, as a
result of heating by the stellar radiation field and viscous dissipation. The outer disk
stretches to further distances, its radius ranging from a few tens of au to more than
1000 au. There, the temperatures range from 10 to 30K (see e.g. Mamajek 2009;
Dullemond and Monnier 2010; Hartmann et al. 2016).

In the next section, two particular radii (namely the truncation and co-rotation
radii) located in the circumstellar disk will be presented. This will be followed by a
discussion of misalignments of the outer disk axis with respect to the stellar rotation

axis.

26



1.4.1. Truncation & co-rotation radii

1.4.1 Truncation & co-rotation radii

The radius where the circumstellar disk is truncated by the magnetic field is called
the truncation (or magnetospheric) radius (ryunc). Bessolaz et al. (2008) expressed
its theoretical value for an axisymmetric dipolar magnetic field as:

It 2/7 54/7 pg—2/7 5 o~1/7 55/7
,;L:C ~ om? B 2 M T RY (1.4.1)
where mg ~ 1 is the sonic Mach number (i.e. the ratio between the flow velocity and
the local speed of sound) measured at the mid-plane of the circumstellar disk. Beq is
the intensity of the magnetic field at the stellar equator expressed in units of 140 G.

M. is expressed in units of 1078M yr~!

, M, is in units of 0.8 My and Ry in units of
2 Ro3. In the present case of a dipolar field, Beq is equal to half of the magnetic field

intensity at the pole of the star (see Gregory 2011).

The radius where the Keplerian period of the disk is equal to the rotation period of
the star is called the co-rotation radius (reo-rot) @nd can be calculated using Kepler’s
third law:

2
r3 .= GM, (ﬂ) (1.4.2)

co-rot
on

with P the stellar rotation period (see e.g. Bouvier et al. 2007).

Under the assumption of a dipolar magnetic field aligned with the rotation axis
of the system, in order for the accreted matter to fall on the star, it needs to lose
angular momentum, which implies that the accretion column has to be connected to
the disk inside the co-rotation radius, which transfers angular momentum to the star.
However, in order to avoid accelerating the stellar rotation, it is necessary for the
disk to transport angular momentum outward. This can only happen if the truncation
radius is outside the co-rotation radius. To satisfy both conditions, theoretical models
often assume that ryunc ~ reo-rot (S€€ €.9. Koenigl 1991; Shu et al. 1994; Bouvier et al.
2007; Bessolaz et al. 2008).

There is an opportunity to test this assumption by measuring the parameters in
Eqg.1.4.1 and 1.4.2. For example, GRAVITY Collaboration et al. (2021) have calcu-
lated the truncation and co-rotation radii for several cTTs (see Fig. 1.18), assuming a
magnetic field strength of 1 kG#. They find that there are 4 stars out of 17 that have
their truncation radius outside of the co-rotation radius, although both radii are gener-
ally of the same order of magnitude (i.e. a few stellar radii). See also Thanathibodee
et al. (2023) for the determination of the truncation radius and a comparison with the

3The units of Eq. 1.4.1 were chosen by Bessolaz et al. (2008) to represent typical values for
cTTs citing Valenti and Johns-Krull (2004) and Bouvier et al. (2007).

4As the magnetic field strength was not known for all of the targeted cTTs, they used a fiducial
value of 1kG. Although the validity of this assumption is debatable, it has been made in other cases
as well (see e.g. Hartmann et al. 2016).
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Figure 1.18 — Truncation and co-rotation radii for several cTTs (adapted from GRAVITY Collabora-
tion et al. 2021). The truncation radii are represented by red triangles and the co-rotation radii are
pictured by purple ovals.

The locations of the truncation and co-rotation radii compared to each other can
also give information on the accretion regime of the star (see Sect. 1.3.2). For sim-
ulations with a magnetic obliquity of 8 = 5° (see e.g. Romanova and Owocki 2015;
Blinova et al. 2016), the boundary between the stable and unstable accretion regimes
occurs when regrot = 1.4 frune- When regrot > 1.4 ryunc, the star is in the unstable
regime. When ryunc < foo-rot < 1.4 rune, it is in the stable regime. When reo-rot < frunc,
it is in the propeller regime, in which some of the disk matter can be ejected as an
outflow (see e.g. Romanova et al. 2018). Figure 1.19 (see Romanova and Owocki
2015) illustrates these different boundaries.

1.4.2 Misalignments of the outer disk axis

The standard models of stellar formation do not predict misalignments between the
stellar rotation axis and the outer disk axis. They may however be common. In-
deed, they have been observed for several cTTs, including LkCa 15 and DoAr 44 (see
Alencar et al. 2018; Bouvier et al. 2020). In addition, GRAVITY Collaboration et al.
(2021) report detecting misalignments between the inner and outer disk for four stars
(namely GQ Lup, V2062 Oph, RY Lup and AS 205). The cTTs DK Tau (see Sect. 1.5
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Figure 1.19 — The boundary between the stable and unstable accretion regimes (adapted from Ro-
manova and Owocki 2015), for a magnetic obliquity 8 =5 °, is determined by the ratio between the
truncation radius (ryunc) and the co-rotation radius (r¢o-rot)-

and Chap. 3) shows signs of having a misaligned outer disk.

Moreover, various dippers display an outer disk with low inclinations (i.e. seen
close to pole-on - see e.g. Ansdell et al. 2020; Sicilia-Aguilar et al. 2020). Dippers
are stars with flux dips in their lightcurves. The traditional explanation for dipper
behavior invokes the crossing of circumstellar material from the inner disk in front of
the star, occulting it periodically or aperiodically. There therefore is a requirement
for an inner disk with a rather high inclination (i.e. seen close to edge-on - see e.g.
McGinnis et al. 2015; Roggero et al. 2021). This is incompatible with the measured
low inclination of the outer disk axis.

These observations hint at a more complex stellar formation mechanism than
is usually considered. Although it is not clear at this time what gives rise to such
misalignments, several potential causes have been suggested. For instance, Sicilia-
Aguilar et al. (2020) mention the possibility of two different protostellar collapses.
Alencar et al. (2018) suggest the existence of a massive planet inside the disk gap.
Whereas Benisty et al. (2018) invoke the effects of a low-mass stellar companion.

1.5 Characteristics of DK Tau

This work studies one particular cTTs, DK Tau A. It is a young low-mass star in a wide
binary system (i.e. separated by 2.38” - see Manara et al. 2019), which allows DK Tau
A (called "DK Tau" for short hereafter) to be studied on its own. It has a magnetic field,
and shows evidence of accretion and ejection processes (see Hartigan et al. 1995;
Calvet and Gullbring 1998; Johns-Krull 2007; Fischer et al. 2011; Ingleby et al. 2013),
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in particular inner disk winds and a jet. Ithas amass loss rate of 3x 107 Mg yr~' (see
Hartigan et al. 1995), and a mass accretion rate of 4 x 1078 Mg yr~' (see Fischer
et al. 2011), which leads to the detection of significant veiling in its spectrum (see
Johns-Krull 2007; Fischer et al. 2011; Ingleby et al. 2013) as well as broad Ha and
Hg line profiles (see McGinnis et al. 2020).

DK Tau is located in the Taurus Molecular Cloud at a distance of 132.6 pc (see
Gaia Collaboration et al. 2016, 2018, 2022). It has a K7 spectral type (see Johns-Krull
2007; Fischer et al. 2011). The star has an effective temperature of 4150 + 110K,
a rotation period of 8.2 + 0.13days, a line-of-sight-projected equatorial rotational
velocity (v sin/) of 13 + 1.3kms™', and a radius of 2.48 + 0.25 R, (see Chap. 3 for
the derivation of these parameters). Johns-Krull (2007) determined a mass of 0.7 M.
DK Tau has aninclination (i.e. the angle between the line-of-sight and the rotation axis
of the star) of 58° (+18)(-11) (see Chap. 3 for the description of this determination).
Based on measurements using millimeter data, its outer circumstellar disk has an
inclination of 21° + 3 (see Rota et al. 2022). The outer disk axis is thus misaligned
compared to the stellar rotation axis. Table 1.1 summarizes the characteristics of
DK Tau.

Table 1.1 — Summary of the characteristics of DK Tau.

Stellar parameter Value Reference

i(°) 58 (+18)(-11) Nelissen et al. (2023a)
Outer disk axis inclination (°) 21 £3 Rota et al. (2022)

P (days) 8.20 £ 0.13 Nelissen et al. (2023a)
Terr (K) 4150 £ 110 Nelissen et al. (2023a)
vsini (kms™') 13.0 £ 1.3  Nelissen et al. (2023a)
Ry (Ro) 2.48 £ 0.25 Nelissen et al. (2023a)
M, (Mg) 0.7 Johns-Krull (2007)

Because DK Tau displays clear signatures of accretion, it is an excellent sub-
ject to explore the interaction between stellar magnetic field and accretion from the
circumstellar disk. Focusing on a single object allows one not only to determine its
characteristics, but the information derived from its analysis is useful to constrain star
formation models, in particular regarding outer disk misalignments (see Sect. 3.3.1).
In addition, the techniques described in this work (e.g. regarding the removal of veil-
ing in Sect. 3.2.3 or the measurement of the mass accretion rate in Sect. 4.3.2) can
be extended to other stars. Finally, the correlations found, in particular regarding
the accretion luminosity and veiling (see Sect. 4.3.1), can be explored in additional
objects.
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1.6 Thesis outline

cTTs are young stars that experience magnetospheric accretion. This thesis exam-
ines both the magnetic field and the accretion processes in a specific cTTs, DK Tau.
In Chapter 1, an introduction to the different relevant concepts was presented. These
concepts include low-mass star formation, stellar magnetic fields, accretion pro-
cesses, circumstellar disks and the characteristics of DK Tau.

In Chapter 2, the observations used in this work are listed. In addition, the instru-
ments that produced these observations are described and the automatic reduction
pipeline associated with these instruments is presented.

Chapter 3 is based on the research published in Nelissen et al. (2023a). It focuses
on the magnetic field aspect, in particular on the average line-of-sight magnetic field,
of DKTau, in both photospheric absorption lines and accretion-powered emission
lines. Moreover, it presents a method of determining and subsequently removing
the veiling, a necessary step in order to the study of the magnetic field. Finally, it
investigates a potential misalignment of the outer disk axis with respect to the stellar
rotation axis.

Chapter 4 is based on the research published in Nelissen et al. (2023b). This time,
it focuses on the accretion properties of DK Tau. It compares the mass accretion rates
derived from two different procedures. The first one relies on the accretion luminosity
via accretion-powered emission lines. The second one uses accretion shock models
fitted to the veiling. Furthermore, this chapter presents a correlation between the
accretion luminosity and the veiling.

Chapter 5 presents a preliminary study of the large-scale magnetic topology and
strength of DK Tau using ZDI on photospheric absorption lines, while underlining the
limitations of this approach for cTTs.

Finally, Chapter 6 presents the general conclusions of this work, as well as sug-
gestions for future work.
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Observations

L%econd chapter describes the different archival spectropolarimetric datasets
used in this work. It also presents the two instruments that obtained the observations.
Finally, it explains the data reduction steps undertaken by the automatic pipeline as-
sociated with these instruments.

2.1 Datasets

The data are comprised of two sets of unpolarized (i.e. Stokes I) and circularly polar-
ized (i.e. Stokes V) spectra of DK Tau, probing two distinct epochs (i.e. periods within
2010 and 2012). They were collected using the high-resolution spectropolarimeters
ESPaDOnNS (for "Echelle SpectroPolarimetric Device for the Observation of Stars")
and NARVAL (see Sect.2.2). Nine spectra were taken in December 2010 and nine
spectra from the end of November to the end of December 2012 with ESPaDOnNS.
Nine spectra were also taken from the end of November 2010 to January 2011 and
nine spectra from November to the end of December 2012 with NARVAL. For the
2010 epoch, a total of 15 observations were collected over 39 days. For the 2012
epoch, a total of 12 observations were collected over 35 days. This was done with the
intention of capturing a few rotations cycles of DK Tau (which has a rotation period
of 8.2days - see Sect. 1.5) for each epoch. The two epochs allow one to study the
evolution of the magnetic field and of accretion with time.

Table 2.1 lists the characteristics of both datasets. The total exposure time was
of 4996.0s and 4 800.0 s for each observation taken with ESPaDONnS and NARVAL

respectively.

The data had been previously processed at the Canada-France-Hawaii Tele-
scope (CFHT - in the case of the ESPaDONS observations) and Télescope Bernard
Lyot (TBL - in the case of the NARVAL observations) with LibreESpRIT, a fully au-
tomatic reduction pipeline (see Donati et al. 1997). It was specifically created for
extracting Stokes | and Stokes V spectra from raw data (see Sect. 2.3). It should be
noted that the ESPaDONS and NARVAL spectra are not flux-calibrated.

The datasets are publicly available and were downloaded from the archive of the
PolarBase website! (see e.g. Petit et al. 2014). The data files are presented in plain

ascii format and include information about the wavelength, Stokes | (and its error),

http://polarbase.irap.omp.eu
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Table 2.1 — Log of ESPaDONS and NARVAL observations of DK Tau.

Date Heliocentric Rotation S/N*** Airmass Instrument

(yyyy-mm-dd) Julian date cycle**
(UTC)*

2010-11-26  2455527.436 03 0.00 70 1.1 NARVAL
2010-12-09 2455540.39330 1.58 77 1.2 NARVAL
2010-12-10 2455541.397 11 1.70 53 1.1 NARVAL
2010-12-13  2455544.41852 2.07 42 1.1 NARVAL
2010-12-14 2455544.97974 2.14 72 1.1 ESPaDONS
2010-12-15 2455545.853 82 2.25 97 1.0 ESPaDONS
2010-12-16  2455546.854 61 2.37 100 1.0 ESPaDONS
2010-12-17 2455547.826 04 2.49 108 1.1 ESPaDONS
2010-12-18 2455548.81903 2.61 113 1.1 ESPaDONS
2010-12-19 2455549.786 41 2.73 81 1.2 ESPaDONS
2010-12-19  2455550.390 86 2.80 54 1.1 NARVAL
2010-12-24 2455554.88363 3.35 83 1.0 ESPaDONS
2010-12-26  2455557.034 94 3.61 101 1.8 ESPaDONS
2010-12-30 2455560.97748 4.09 96 1.3 ESPaDONS
2011-01-03  2455565.451 64 4.64 68 1.1 NARVAL
2012-11-19 2456 250.50943 0.00 68 1.1 NARVAL
2012-11-25 2456256.91980 0.78 91 1.0 ESPaDONS
2012-11-28 2456 259.895 31 1.15 121 1.1 ESPaDONS
2012-11-29 2456260.991 38 1.28 127 1.1 ESPaDONS
2012-12-01 2456262.947 48 1.52 105 1.0 ESPaDONS
2012-12-02 2456263.86570 1.63 84 1.1 ESPaDONS
2012-12-04 2456265.965 15 1.89 120 1.0 ESPaDONS
2012-12-07 2456268.846 50 2.24 94 1.1 ESPaDONS
2012-12-09 2456271.387 97 2.55 70 1.2 NARVAL
2012-12-10 2456271.82504 2.60 107 1.2 ESPaDONS
2012-12-12 2456273.557 58 2.81 63 1.2 NARVAL
2012-12-23 2456284.76249 418 95 1.3 ESPaDONS

* At mid-exposure.
** For an 8.2 day period.
*** Signal to noise ratio at 754 nm.
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2.2. ESPaDONnS & NARVAL

and Stokes V (and its error). The data is in 1D format, i.e. in the form of a continuous
spectrum. The corresponding image files (. fits) for the ESPaDONS data are also
available to download from the Canadian Astronomy Data Centre (CADC) website?.

The spectropolarimetric observations were collected as a result of proposals
10BP12 and 12BP12, with J.-F. Donati as P.l. in both cases. They were part of the
Magnetic Protostars and Planets (MaPP) Large Program (LP) at the CFHT, where
several cTTs were observed in order to study their magnetic fields (see e.g. Donati
et al. 2010, 2011, 2013). The amount of veiling present in the spectra of DK Tau

complicated its study and it was consequently left unanalyzed at the time.

2.2 ESPaDONnS & NARVAL

The observations were obtained with the instruments ESPaDONS (see Donati 2003;
Donati et al. 2006a) and NARVAL (see Auriere 2003). ESPaDONS is mounted at
the 3.6 m CFHT on Mauna Kea (Hawaii, USA), while NARVAL is installed at the 2m
TBL on the Pic du Midi (southern France). They are twin cross-dispersed echelle
spectropolarimeters. They cover the whole optical range (i.e. from 370 to 1 050 nm)
in a single exposure, with an average spectral resolution of 65000 (corresponding to
resolved velocity element of 4.6 kms™") in either circular or linear polarization. Each
spectropolarimeter essentially consists of two distincts units: a polarimetric unit and
a spectroscopic unit.

The polarimetric modules are installed at the Cassegrain focus of their respective
telescopes (see Donati et al. 2006a; Petit et al. 2014). Figure 2.1 (see Benton 2005)
illustrates the operating principle of a Cassegrain system. The incoming light is first
reflected on a concave mirror, then on a convex mirror, before passing through a hole

in the center of the first mirror and reaching the Cassegrain focus.

Cassegrain Primary
concave
} mirror
. Secondary e == = - i - |
Incoming convex —p - e Cassegrain
Light mirror —— :<_ -Deeean- _J_)I_§> oo

Figure 2.1 — Schematic view of a Cassegrain system. The arrows show the path of the incoming
light. The photons first bounce on the primary concave mirror, then on the secondary convex mirror
and finally reach the Cassegrain focus (adapted from Benton 2005).

The operating principle of a polarimeter is to measure the polarization of light,
i.e. the orientation of the electric field vector in the electromagnetic wave (see e.g.

2http://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en
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2.2. ESPaDONnS & NARVAL

Snik and Keller 2013). In the case of ESPaDONnS and NARVAL, the polarimetric
module simultaneously measures two orthogonal states of a given polarization. For
the observations used in this work, the right (/;,) and left circular polarization (/;)
were measured. To this end, the module uses a combination of three Fresnel rhombs
(a quarter-wave and two half-wave rhombs) as a retarder and a Wollaston prism as a
polarizer (see Donati 2003; Donati et al. 2006a; Petit et al. 2014). Figure 2.2 illustrates
the working principle of the polarimetric module.

u
Retarder Polarizer

Y
Y

Figure 2.2 — Schematic view of the operating principle of the polarimetric module used by ES-
PaDONS and NARVAL. The polarizer (i.e. the Wollaston prism) splits the incident beam of light in
two beams whose polarization states are orthogonal and whose intensities are labelled /j and i .
By rotating the retarder (i.e. the Fresnel rhombs) compared to the polarizer, as well as by rotating
both devices compared the direction of propagation of the incident beam, it is possible to measure
specific states of polarization.

A retarder is a device that modifies the polarization state of the incident light beam.
A quarter-wave retarder can be used to switch between circularly polarized and lin-
early polarized light. A half-wave retarder can be used to switch between linearly po-
larized light of different polarization directions. A Wollaston prism is a polarizer that
divides the incident beam of light in two orthogonally polarized components. These
components propagate along different directions inside the prism. By rotating the re-
tarder and polarizer in the plane that is perpendicular to the direction of propagation
of the incident beam, specific states of polarization can be measured (see e.g. Landi
Degl'lnnocenti and Landolfi 2004; Clarke 2010; Snik and Keller 2013). These are the
various states described in Fig. 1.6. During the data reduction process (see the next
section), they are combined in order to obtain the Stokes parameters.

Figure 2.3 shows a schematic view of the polarimetric module of ESPaDOnNS. In
the case of ESPaDONS and NARVAL, when leaving the polarimeter, the two beams
of light from the polarizer are fed into the spectrograph by a double optical fiber (see
Donati 2003; Donati et al. 2006a; Petit et al. 2014).

The operating principle of a spectrograph is to disperse the incoming light, by
forcing its spectral components to travel in slightly different directions according to
their wavelength. This is achieved with a grating, i.e. an optical element etched with
(in general) thousands of fine parallel lines (see e.g. Clayton 1996; Oswalt and Bond
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Figure 2.3 — Schematic view of the polarimetric module of ESPaDOnS. It shows the three Fres-
nel rhombs (a quarter-wave and two half-wave rhombs) acting as a retarder and the Wollaston
prism acting as a polarizer (adapted from: https://www.cfht.hawaii.edu/Instruments/
Spectroscopy/Espadons/IMAGES/fig_polarimeter. jpg).

2013).

In a spectrograph, constructive interference happens when the light path length
is equal to its wavelength multiplied by an integer. This integer is called the order (k
- see e.g. Biémont 2006; Oswalt and Bond 2013). When the order is equal to zero,
only a central image (corresponding to the non-deflected incoming light) is obtained
(see the central panel in Fig. 2.4, with k = 0). For the first order, two spectra appear,
one on either side of the central image (see the panels with k = 1 in Fig. 2.4). For the
second order, two additional (more dispersed) spectra appear beside the previous
two (see the panels with k = 2 in Fig.2.4). For the third order, two additional (even
more dispersed) spectra appear beside the previous two, their ends overlapping (see
the panels with k = 3 in Fig. 2.4, the overlapping represented by the gray band).

A higher order is synonymous with a higher resolution. However, as their number
increases, the overlap between the orders increases as well. When a spectrograph
is used at a very high order, the overlap is so important that it produces white light.
There is then a need to separate the optical orders and spread them over the detec-
tor. This is done with a cross-disperser, positioned orthogonally to the first grating
in such a way that the resulting orders are transversally separated. In this case, the
spectrograph acquires the adjective "echelle". Echelle spectrographs use a first grat-
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B R
Third order Central image Third order

Figure 2.4 — Overlapping of spectral orders, which are denoted by the letter "k". "B" refers to the
blue part of the light and "R" to the red (adapted from Biémont 2006).

ing in which the grooves are much further apart than those of a typical grating (see
e.g. Clayton 1996; Oswalt and Bond 2013).

Figure 2.5 illustrates the operating principle of an echelle spectrograph. A first
grating (on the top left side of the figure) disperses the light. It then arrives on the
cross-disperser (on the bottom of the figure), which separates the various orders. The
light finally hits the detector (on the top right side of the figure), each order visible.

Grating Detector

k+2

NN/ 7,
\ALNY

Cross disperser

Figure 2.5 — Schematic view of the operating principle of an echelle spectrograph. The orders are
denoted by the letter "k". On the detector, the first row corresponds to the red part of the order k.
The second row corresponds to the green part of the order k+1. The third row corresponds to the
blue part of the order k+2 (by C. Delvaux).

Echelle spectroscopy is interesting because it has a high resolution, it covers
a large spectral area and it takes advantage of the (roughly squared) shape of the
detector on which it spreads its entire spectrum (the wavelength is spread in one
direction, while the different orders are stacked perpendicularly to this direction). Re-
garding ESPaDONS and NARVAL, each twin spectropolarimeter records 40 orders
(see e.g. Fig.2.9) and each order is curved. In the case of ESPaDONS, the first order
is k = 22 and is centered at 1 029 nm, while the last one is k = 61 and is centered at
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372 nm (see Donati 2003; Donati et al. 2006a).

Figure 2.6 shows a schematic view of the spectroscopic module of NARVAL. It
depicts the entry for the optical fibers, the first grating, the cross-disperser and the
charge-coupled device (CCD) detector (see the next section for a brief explanation
of the operating principle of this type of detector) sitting on an optical bench.

Figure 2.6 — Schematic view of the spectroscopic module of NARVAL. It shows the entry for the
optical fibers (on the left), the first grating (on the top left), the cross-disperser (toward the center)
and the CCD detector (on the bottom left - adapted from: https://tbl.omp.eu/instruments/
aspects-techniques/description-generale).

Regarding the thermal stability of the spectrographs (necessary to avoid thermal
noise - see the next section), it is ensured by a thermally stabilised enclosure in
the case of ESPaDONS and a double layer enclosure in the case of NARVAL (see
e.g. Donati 2003; Silvester et al. 2012). For additional information on ESPaDONS
and NARVAL, see the dedicated webpages on the CFHT website3, and on the TBL
website* respectively.

2.3 Data reduction

As mentioned in Sect. 2.1, the LibreESpRIT pipeline installed at the CFHT and TBL
automatically reduced the data in real-time. The procedure includes subtracting the
bias and the dark frames, adjusting for the variations in sensitivity using flat-field
frames, wavelength calibration and continuum normalization. LibreESpRIT was spe-
cially developed for ESPaDONS and NARVAL (see Petit et al. 2014). It is not publicly

3https://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons
4https://tbl.omp.eu/instruments/archive-tblnarval/
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2.3. Data reduction

available. ltis based on ESpRIT (for "Echelle Spectra Reduction: an Interactive Tool")
and follows roughly the same procedure. ESpRIT is a package that was written for
the reduction of echelle spectropolarimetric data with curved orders. For a descrip-
tion of ESpRIT, see Donati et al. (1997); for additional information on LibreESpRIT,
see the dedicated webpage on the CFHT website?; for a description of echelle data
reduction, see for instance Clayton (1996); and for a general description of data re-
duction, see for instance Oswalt and Bond (2013). Initial steps in the data reduction
process are linked to the working principle of CCD detectors. These are the type of
detectors used in ESPaDONS and NARVAL. Their operating principles will be briefly
explained in the following paragraphs.

CCDs are made of semiconductors whose atoms have electrons arranged in
discrete energy bands. There is a valence and a conduction band (in light gray in
Fig.2.7) separated by a gap (labeled Eg,, in Fig.2.7). At absolute zero, the valence
band is full and the conduction band is empty. A photon (represented by the dark
gray arrow in Fig.2.7) can be absorbed by transferring its energy to an electron from
the valence band, which is then sent to the conduction band. In other words, photons
entering the CCD create electron-hole pairs, with the electron being referred to as a
photoelectron (represented by the black dot in Fig. 2.7). This is called the photoelec-
tric effect. The number of photoelectrons is proportional to the number of incident
photons.

Conduction band @e~

Energy

a Q
gap \'O

Valence band ht

Figure 2.7 — Schematic view of the photoelectric effect. Eyy,p refers to the energy gap between the
valence and conduction band. The white dot labeled h* represents the hole left by the electron in
the valence band after the absorption of the photon. This hole acts like a positively charged carrier.
The black dot labeled e~ represents the photoelectron that migrated to the conduction band.

Once in the conduction band, the electrons are free to move about. In CCDs,
electrodes placed on the surface create potential wells that attract these free elec-
trons in order to collect them. Otherwise, the holes and electrons would recombine.

Shttps://www.cfht.hawaii.edu/Instruments/Spectroscopy/Espadons/Espadons_
esprit.html
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These electrodes define the pixels of the CCDs.

Kristian and Blouke (1982) proposed the following analogy (illustrated in Fig. 2.8)
for the basic working mechanism of CCDs: there is a network of buckets (represent-
ing the pixels of the CCD) evenly distributed on a large field (i.e. the focal plane of the
telescope) in a square array. Each row of buckets is placed on a stationary conveyer
belt. After a heavy rain (i.e. after exposure, where the rain represents the photons),
the buckets are full of water (i.e. electrons). Then, the conveyer belts turn on (rep-
resenting the transfer of charges). At the end of each row, the water is poured into
buckets located on a conveyer belt that is at a right angle to the others (i.e. a row of
electrodes outside of the photosensitive area of the CCD). At the end of it (i.e. at the
corner of the CCD), there is a measuring cylinder (i.e. output amplifier) where the
amount of water that was collected in each bucket can be recorded. The spatial dis-
tribution of the rainfall over the field (i.e. an image of the incident light) can therefore
be known.

Figure 2.8 — Analogy for the basic working mechanism of CCDs. The rain represents the photons,
the buckets represent the pixels of the CCD, the water inside them represents the electrons, the

red conveyer belts represent the transfer of charges, the blue conveyer belt represents the row of
electrodes outside of the photosensitive area of the CCD, and the bucket with the graduations repre-
sents the output amplifier (by C. Delvaux).

When observing with an instrument that uses a CCD detector, it is necessary to
collect a number of calibration exposures in order to clean raw observations of con-

taminations and retrieve useful scientific data. This process is called data reduction.

The first calibration exposures are bias frames. The bias corresponds to the elec-
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tronic readout noise from CCDs. Indeed, reading the detectors consist in extracting
the photoelectrons from the CCD cells using a voltage.This creates an additional cur-
rent, and an offset is consequently produced. This offset is different from one pixel to
the other on the detector and needs to be measured (by taking an observation in the
dark with an exposure time of 0s) and subsequently subtracted. The Libre-ESpRIT
package subtracts the bias averaged over squares of 8 by 8 pixels.

The next calibration frames are dark exposures, which correspond to thermal
noise. Despite the thermal enclosures that house the spectrographs, there is a cur-
rent inside the CCDs due to the energy distribution of electrons above absolue zero
allowing a fraction of them to thermally populate the conduction band. Because they
are indistinguishable from photoelectrons, these thermal electrons can be interpreted
as light sources. To prevent this, the dark current can be determined (by taking an
observation with the shutter closed and with an exposure time similar to that of the
scientific target) and subtracted from the scientific frames as well.

The flat-field frames inform on the inhomogeneities of the CCDs (i.e. on the sen-
sitivity variations from one pixel to the other) and on the imperfections of the instru-
ments. These variations can be due for instance to dust, defects or damages. In or-
der to obtain flat-field frames, a uniform source of light can be observed in the same
conditions as the scientific target. The scientific frames are subsequently divided by
the flat-field frames (which have themselves been corrected using the bias and dark
frames). In the case of ESPaDONS and NARVAL, two tungsten lamps (producing
composite featureless spectra) are used for flat-field correction. The low-intensity
lamp is used with a red filter and the high-intensity lamp is used with a blue filter.
This is done to provide a proper illumination level to all orders (see e.g. Donati et al.
20064a; Silvester et al. 2012; Petit et al. 2014).

Regarding the different curved orders produced by echelle specropolarimetry
(see the previous section), the path of each of them across the frames needs to
be determined. This requires a bright frame from which to trace the orders. Li-
breESpRIT uses the flat-field frames to derive the position and shape of each order
on the CCD (see e.g. Donati et al. 1997). Figure 2.9 shows a flat-field frame taken
with ESPaDONS (using the two tungsten lamps with a red and blue filter), with the
orders and their curvature visible.

Generally, the order tracing procedure in the echelle data reduction process in-
volves sampling each order in sections. Then, the center of the order at each sample
point is estimated. After an order has been traced in this manner, it is possible to fit
a curve to the sample. This curve should represent the real path of the order across
the frame. Figure 2.10 (see Clayton 1996) depicts a generic example of order tracing
for a single order.
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22%111&&

Figure 2.9 — Example of a flat-field frame taken with ESPaDONS. It was taken with two tungsten
lamps, one with a red filter and one with a blue filter. This creates a flat-field frame with flux in the
red and blue part of the spectrum. The orders are the bright curved vertical lines and are stacked
in order from the left to the right of the CCD. The separation between the orders varies with the
wavelength and is largest in the blue (i.e. on the right side of the image). This is to be expected
from the use of a cross-disperser (see the previous section). The bottom right part zooms in on the
image. It shows that each order has two spectra, one for each orthogonal state of the polarization
that is selected to be measured (see the previous section as well). Credit: https://www.cfht.
hawaii.edu/Instruments/Spectroscopy/Espadons/IMAGES/colorflatwithzoom. jpg
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In practice, to obtain a good fit, some of the sample points may have to be ignored.
This is for instance the case if the frame is affected by cosmic ray hits.

Order 15: samples=486, clipped=0, degree=4
00
o - . /A
00 /
e
y
.
/
.
.. . : /'
o ’ //
o~ b P . 4
[CReN CRET
X0 P
a s
> P
./_y/
©
~ 4
o
00 s .
N
N E ! . =
0 200 400 600 800 1000

X pixel

Figure 2.10 — Generic example of order tracing. A polynomial (red solid line) is fitted to the sample
points (black dots) of a particular order (Clayton 1996).

Cosmic rays (i.e. high-energy particles from outer space that reach the Earth
and pass through its atmosphere, as well as secondary particles subsequently gen-
erated), can hit the CCD during exposure, causing the presence of extra signals in
the frames. These signals usually cover only a few pixels on the CCD and appear as
bright, sometimes saturated spots. If, however, the cosmic ray travelled in a direction
that is nearly parallel to the surface of the CCD, then it could cause a streak. Cosmic
ray hits need to be identified, as real features in a spectrum can similarly cover only
a few pixels in the frames. In the case of LibreESpRIT, the pixels that deviate too
much from the average intensity in each order are excluded by the pipeline in order
to eliminate cosmic ray hits (see e.g. Donati et al. 1997).

The data reduction process also includes wavelength calibration (i.e. the iden-
tification of a number of spectral lines distributed over the observed wavelength
range). This uses a comparison lamp containing a mix of gases (a combination of
thorium/argon and thorium/neon in the case of ESPaDONS and NARVAL) that pro-
duces a spectrum rich in spectral lines. Because the wavelengths of the lines are well
known, they can be used to calibrate lines in the scientific observations. This lead
to the determination of the wavelength-to-pixel relation along and across each order.
These calibration exposures are taken on each observing night (see e.g. Donati et al.
2006a, 2011; Silvester et al. 2012; Petit et al. 2014).
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The common wavelength calibration procedure in echelle data reduction is based
on three types of information: the order, the sample number and the intensity. The
sample number (as during the order tracing procedure) corresponds to an index for
each section along the order. The first stage of the calibration consist in identifying
spectral lines of known wavelength in the calibration frames. This is illustrated in
Fig.2.11 (see Clayton 1996). Lists of wavelengths for different spectral lines can
be found in various atlases. Next, a polynomial is fitted to the wavelength-to-sample
relation from the calibration frames. Finally, this relation is pasted from the calibration
frames onto the scientific observations. The wavelength-to-sample relation can be
fitted separately for each order. Ideally, each order should feature at least three or
four identified spectral lines, with one close to each end of the order and the others
dispersed toward the middle of the order.
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Figure 2.11 — Generic example of spectral line identification for a particular order (Clayton 1996).

In addition to the primary wavelength calibration, the LibreESpRIT pipeline also
uses telluric lines to refine the wavelength calibration (see e.g. Donati et al. 20064,
2011; Silvester et al. 2012; Petit et al. 2014). Telluric lines are spectral lines due to
the Earth’s atmosphere.

Regarding the polarimetric aspect of the observations, LibreESpRIT combines
the exposures of the two orthogonal polarization states in order to obtain the polarized
spectra (i.e. Stokes| = I, + Iy and StokesV = I, - /5 - see Sect. 1.2.3 and 2.2). It
also automatically finds and subtracts any continuum polarization by default, because
ESPaDONS and NARVAL are not optimized to measure it (see e.g. Silvester et al.
2012; Petit et al. 2014).
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2.3. Data reduction

Additionally, LibreESpRIT normalizes the spectra to the continuum level. In the
end, the pipeline produces 1D spectra (stored in a multicolumn ascii file) from 2D
exposures. The spectra have error bars (on Stokes| and Stokes V) at each wave-
length point. These error bars were propagated throughout the reduction process
and originate from photon-counting statistics for each CCD pixel (see e.g. Wade et al.
2000; Silvester et al. 2012).
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3
Misalignment of the outer disk of DK Tau

& a first look at its magnetic field using
spectropolarimetry

ﬂ‘

HIS chapter is based on the following publication:

Nelissen, M.; McGinnis, P.; Folsom, C. P.; Ray, T.; Vidotto, A. A.; Alecian, E.; Bouvier,
J.; Morin, J.; Donati, J. -F.; Devaraj, R. (2023), Astronomy & Astrophysics, 670, A165.
https://doi.org/10.1051/0004-6361/202245194

3.1 Introduction & observations

The current chapter presents the analysis of the average line-of-sight magnetic field of
DK Tau (see Sect. 1.5), in both photospheric absorption lines and accretion-powered
emission lines. In order to properly measure this, a method was developed to deter-
mine the value of veiling as a function of wavelength and to remove its effect from the
absorption lines. During this study, inconsistencies regarding the inclination of the
rotation axis of DK Tau were identified and are examined as well.

The data collected for this study consist of dual-epoch spectropolarimetric ob-
servations taken with ESPaDONS and NARVAL, collected in 2010 and 2012. More
details on the observations and instruments can be found in Chapter 2.

The following section details the analysis and results obtained regarding the stel-
lar parameters, veiling and magnetic characterization. This analysis starts with the

normalization of the spectra to the continuum level.

3.2 Analysis & results

3.2.1 Normalization to continuum level

Continuum normalization of spectra is important to obtain the precise determination of
spectral line properties that are essential in a spectropolarimetric study, in particular
to achieve a consistent determination of the stellar parameters (see Sect. 3.2.2), as
well as the measurement and removal of the veiling (see Sect. 3.2.3). It is a method
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3.2.2. Determination of stellar parameters

that searches for the continuum points, then fits a polynomial through these points,

and finally divides the spectrum by the polynomial.

The data from DK Tau were re-normalized to the continuum level, in addition to
the LibreESpRIT automatic continuum normalization (see Sect. 2.3), as the automatic
procedure is not tailored for stars that display emission lines and it did not properly
adjust the continuum.

A spectrum normalizing script written by Folsom et al. (2016) was used for the
re-normalization. It allows one to ignore emission lines, which is more appropriate
for a cTTs such as DK Tau. In the script, the different orders (see Sect.2.2), which
have sizes of ~20 nm, were treated individually. The degree of the polynomial that
would better fit the continuum points in each order was selected. To determine the
location of the continuum, the script ignores the emission and absorption lines by
ignoring points above and below a certain threshold. The threshold is a multiple of the
calculated average intensity of the whole spectrum. In the calculation of the average,
exclusion zones were set to ignore the strong emission lines (e.g. the Balmer lines).
In addition, the portion of wavelength below 420 nm was removed (the wavelength of
the original data ranged from 370 to 1 050 nm), due to its poor quality: the extreme

jitters were causing an aberrant average.

3.2.2 Determination of stellar parameters

The continuum-normalized high-resolution spectra of ESPaDONS and NARVAL were
exploited to extract the line-of-sight-projected equatorial rotational velocity (v sin/)
and the effective temperature (T.g) of DK Tau.

A mean unpolarized (i.e. Stokes I) spectrum was first obtained by interpolating the
four spectra with the least amount of veiling (these are the four spectra with deepest
absorption lines) onto the same wavelength array and taking the average value. This
was carried out in order to get a better signal to noise ratio of 136, whereas the
individual night had a signal to noise ratio of 103 on average. In addition, even though
the veiling changes from night to night (see e.g. Fig. 3.3 and Fig. 3.4), its value is not
being determined at this point (see Sect. 3.2.3), so this does not affect the results.
Furthermore, the line shapes may vary a bit because of, for instance, spots on the
stellar surface, and therefore obtaining an average (over time) of several spectra is
preferable because it will smooth out this effect.

The stellar parameters were fitted using the ZEEMAN spectrum synthesis pro-
gram, developed by Landstreet (1988) and Wade et al. (2001) and modified by Fol-
som et al. (2016). The script solves radiative transfer equations under the assumption
of local thermodynamic equilibrium. First a synthetic spectrum is produced using a
MARCS stellar atmosphere model (see Gustafsson et al. 2008), picked from a grid,
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3.2.2. Determination of stellar parameters

and an atomic line list (see Sect. 3.2.4). The script then iteratively compares the syn-
thetic spectrum with the observed one, by y? minimization, to determine free model
parameters. Veiling (R) is included in the model.

Initial values for the stellar parameters were specified, using the ones provided in

the literature: a vsini of 12.7kms™’

(see e.g. McGinnis et al. 2020), a microturbu-
lence velocity (Vmic) of 1 kms™! (as is typically used for cTTs), a macroturbulence ve-
locity (Vimac) of 0km s~ (set at zero due to the value being unknown), a T.q of 4 000 K
(see e.g. Herczeg and Hillenbrand 2014), a logarithmic surface gravity (log g) of 4 (in

cgs units - as is typically used for cTTs), solar metallicity and a R of 0.1.

First, vsini, T, logg and R were given the initial values mentioned above and
selected as free parameters; while the other parameters were fixed (with the values
mentioned above). The program was run on a small spectral range with many pho-
tospheric lines, in order to get an initial estimate of the free parameter values. Next,
using those values as a starting point, the code was run only varying v sini and Teg
as free parameters. This time, the spectrum was split in small bins of 10nm (that
ignored emission lines), and the script was operated on each bin individually. Each
fit was checked visually to see if the features were well reproduced. When the lines

were fitted well, the parameters values were written down.

As was expected, similar values were obtained for each spectral window. The
average was subsequently calculated, and the standard deviation of the spread was
used as the error bars. A T.g0f 4150 = 110K and a v sini of 13.0 = 1.3kms™' were
obtained. The values are in good agreement with the ones found in the literature (see
Herczeg and Hillenbrand 2014; McGinnis et al. 2020).

Next, P. McGinnis carried out the calculation of the stellar luminosity (L) in the
following manner: first by using the J-band magnitude of Eisner et al. (2007) cor-
rected to remove the contribution of the binary!, corrected for extinction with the
value quoted by Herczeg and Hillenbrand (2014) and corrected for veiling (based
on an interpolation of the measurements described in Sect. 3.2.3), then by using the
bolometric correction in the J-band from Pecaut and Mamajek (2013), next by con-
verting the magnitude into flux, and finally by deriving the luminosity from the flux
(see Eq. 1.3.3). This yields a value of 1.65 + 0.25 L.

Based on this value for L,, on the measured value for T.g and using the Stefan-
Boltzmann relation RS = L, /(4nospT) with osp = 5.67 x 1078 Wm™2K™ the
Stefan-Boltzmann constant (see Stefan 1879; Boltzmann 1884), the stellar radius
(R«) was derived. A value of 2.48 + 0.25 R, was obtained. This agrees with the
value of 2.49 Ry mentioned by Johns-Krull (2007).

IDK Tau is a wide binary and this work studies DK Tau A, called "DK Tau" for short throughout
this thesis. In the observations used by Eisner et al. (2007), DK Tau A and DK Tau B are not spatially
resolved.
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3.2.3. Measurement of veiling

Regarding the stellar mass (M), Johns-Krull (2007) derive a value of 0.7 Mg, from
PMS evolutionary tracks. When using the Siess et al. (2000) models?, the values of
Teg =4150K and L, = 1.65Lg mentioned previously give a slightly higher M, than
the one of 0.7 M, but it agrees with it within 20~ (see the gray rectangle in Fig. 3.1).

HR diagram

/
0.5 i — \/
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Oo~NOO;

log L (L)
o

-0.5
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L L L L . . . L
3.74 3.72 3.7 3.68 3.66 3.64 3.62 3.6 3.58 3.56
log Ty (K)

Figure 3.1 — Hertzsprung-Russell (HR) diagram with PMS evolutionary tracks from Siess et al.
(2000). The colored lines correspond to different masses (in Mg). The gray rectangle highlights
the values of Teg = 4150K and L, = 1.65 L with their error bars.

3.2.3 Measurement of veiling

Magnetic field measurement on cTTs, which are actively accreting, are hindered be-
cause of the effect of veiling on their spectra, which makes the lines shallower. Yet
the study of these stars is very valuable from the perspective of accretion. Therefore,
analyzing the magnetic field in active accretors is essential. This section provides a
method to determine and remove the veiling from the spectra, in order to use magnetic
field measurement techniques on an accreting star. In addition, the measurement of
the veiling in itself yields important insights in the study of accretion (see Chapter 4).

The derivation of veiling from the spectrum of a cTTs consist in measuring the
amount of excess continuum present. This is done by determining the underlying
photospheric contribution, then identifying the amount of deviation displayed by the
observed spectrum.

2http://www.astro.ulb.ac.be/~siess/pmwiki/pmwiki.php?n=WWWTools.PMS
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Photospheric template

In order to extract the veiling in DK Tau, the spectrum of a wTTs was used as the
photospheric template. Indeed, wTTs are believed to be physically similar to cTTs,
with the exception that the former are no longer accreting, and therefore experience
no veiling. By selecting a wTTs with characteristics that are comparable to the ones
of the observed star, this wTTs can be seen as the purely photospheric version of
the observed star. This procedure is more robust than using a synthetic spectra built
from atmospheric models as a photospheric template, as they are usually based on
main sequence stars that are more physically dissimilar to cTTs.

To be able to compare the high-resolution spectra of DK Tau with the spectrum
of the wTTs, the latter needed to be an ESPaDONS spectrum as well (to match the
high-resolution of the spectrograph). Four potential candidates that were observed
with ESPaDONS were examined, namely LkCa4, LkCa7, TAP45 and V819 Tau. They
all have (in the literature) the same spectral type (and hence the same T.g) as DK Tau
(i.e. K7). They also are from the same star forming region, which implies that they
would have the same chemical composition and very similar age and log g. It can also
be assumed that the vy,ic and vy, should be very similar. In addition, the candidates
also have a v sini lower than the v sini of DKTau. This is important because the
code will need to artificially broaden the wTTs spectrum to match DK Tau; it cannot
do so if the wTTs lines are already broader because of rotational broadening.

The candidates normalized spectra were downloaded from the PolarBase archive
(see Sect. 2.1). They were re-normalized and the mean spectrum was calculated for
each star. Indeed, as a wTTs spectrum should not vary significantly from night to
night, this will only increase the signal to noise ratio, making it a better template than
the spectrum from one individual night. Furthermore, since the shape of the absorp-
tion lines can vary (because of spots on the stellar surface), the mean spectrum will
smooth out this effect.

Each of the mean wTTs spectra was then used as a template for the mean DK Tau
spectrum, looking at four spectral windows (ones with several good photospheric
lines), in order to see which wTTs worked best. The reason for this is that even though
they supposedly have the same T.g, there might be small differences (and differences
with log g) that make one specific wTTs more suitable as a template for DK Tau. This
also helps to avoid the use of a wTTs that could have been slightly misclassified

1

in terms of spectral type. Ultimately, TAP45 (which has a vsini of 11.5kms™" - see

Feigelson et al. 1987; Bouvier et al. 1993) was selected as the photospheric template.
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3.2.3. Measurement of veiling

Derivation of veiling

Using a script written by P. McGinnis, the absorption lines of TAP45 were first broad-
ened to adjust for the stellar rotation of DK Tau. This rotational broadening is carried
out by convolving the TAP45 spectrum by a Doppler rotational profile as described in
Gray (2008). In addition, the code applies an extra continuum to the TAP45 spectrum
to simulate veiling, in order to fit the veiled absorption lines of DK Tau at the lowest
x? level. Figure 3.2 shows an example of the fitting of the rotationally broadened and
artificially veiled TAP45 spectrum (in red) to the spectrum of DK Tau (in black), for
one night in particular and one spectral window.
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Figure 3.2 — Example of the derivation of veiling for one spectral window. The observed (and veiled)
spectrum is in black. The rotationally broadened and artificially veiled template is in red. The x-axis
represents the wavelengths in nm. The y-axis represents the intensity and is in arbitrary units.

Each normalized DK Tau spectrum was analyzed individually, and examined in
bins of about 5 nm along the wavelength range, to acquire a value for veiling in each
spectral window (excluding emission lines and telluric lines from the fit). The fit be-
tween the DK Tau spectra and the rotationally broadened and artificially veiled TAP45
mean spectrum was visually checked each time (to see if the absorption lines were
well reproduced). The veiling values obtained were discarded when the fit was poor,
i.e. when the 2 was high and the particular point differed too much from the gen-
eral trend. The window at 617.50 nm generally displayed the best fit between the
observations and the photospheric template, it is thus used throughout this work to
summarize the veiling for each night (see e.g. Fig. 3.5).

Once the value of the veiling as a function of wavelength was obtained, a linear
relation was fitted through the points, using a least squares polynomial fit. This is the
R(A) function and it was interpolated into the wavelength array of the spectrum. This
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allows to study the variability of veiling for DK Tau, not only from night to night, but
across the different spectra, which cover the optical range. Figures 3.3 and 3.4 show
the veiling values (in gray) as a function of the wavelength, as well as the best fit (in
blue), for the 2010 and 2012 observations. The standard deviation (of the spread
of points compared to the fit) is used as the uncertainty of the fit (light blue shaded
region).

For the 2010 epoch, the peak values of veiling (at ~550 nm) range from 0.2 to 1.8.
For the 2012 epoch, the peak values range from 0.2 to 1.3 (lower than the values from
two years before). For both epochs, the slope of the fit as a function of wavelength
steepens when the peak values of veiling increase. Figure 3.5 shows the veiling at
617.50 nm folded in time with the stellar rotation phase. For the 2010 epoch, the
veiling folds well with the stellar rotation phase, whereas for the 2012 epoch it does
not. This probably stems from the accretion being more intrinsically variable in 2012.
This variability of veiling is studied in more detail in Chapter 4.

Removal of veiling
For a normalized spectrum, the veiling can be expressed using the following equation:
Iveitea(d) = [lpn(4) + R(A)IN(2) (3.2.1)

with Leilea(4) the veiled intensity at wavelength A, /,;n(4) the intensity of the photo-
sphere at wavelength A, R(1) the veiling at wavelength A and N(1) a normalization
constant at wavelength A.

For a hypothetical star with no veiling, a normalized spectrum would have its
continuum at 1. When R is added to this spectrum, it is shifted upward, its continuum
no longer at 1. Therefore, one must divide by 1 + R to reposition the continuum at 1:

N = 1/[1 + RW)] (3.2.2)

Next, Eq. 3.2.1 is inverted into:

[1+ R(D] heilea(d) — R(A) = Ipn(4) (3.2.3)

Finally, Eq. 3.2.2 is applied on the Stokes | values in order to subtract the veiling.

With the veiling-corrected spectra, it is then possible to begin the analysis of the
stellar magnetic field. This starts with obtaining LSD profiles (see Sect. 3.2.5). The
next section describes the creation of the line mask needed to recover the LSD pro-
files.
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Figure 3.3 — Veiling (gray dots), the best linear fit (blue line) and the standard deviation (light blue
shaded region) as a function of wavelength for the 2010 observations.
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Figure 3.3 — continued.
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Figure 3.4 — Same as Fig. 3.3, for the 2012 observations.
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Figure 3.4 — continued.

3.2.4 Acquisition of line lists & creation of line mask

A line mask describes the position and depth of chosen lines, and in the case of
Stokes V also the Landé factor. In practice, the mask is used to select only the lines
that have to be analyzed in a spectrum. This allows one to ignore noisy regions,
telluric lines and emission lines. Line masks were used to determine the stellar pa-
rameters (see Sect. 3.2.2) and to use LSD (see Sect. 3.2.5).

The first step to obtain a line mask is to acquire a continuous atomic line list.
The Vienna Atomic Line Database (VALD) website? allows one to do just that (see
Ryabchikova et al. 2015). On the VALD website, the appropriate wavelength range
(for the observed data) and the desirable minimal line depth can be set. It is neces-
sary to specify the properties of the targeted star: e.g. Vmic, Teff, 109 g, the chemical
composition, etc. It is also possible to only select lines which have a non-zero Landé
factor (and hence select only lines that are sensitive to the magnetic field).

In the case of DK Tau, the following properties were selected: a starting wave-
length of 400 nm and an ending wavelength of 1 000 nm (based on the range of the

~1 (as is typically used for

spectra), a detection threshold of 0.01, a vy of 1Tkms
cTTs), a Teg of 4 000K (see e.g. Herczeg and Hillenbrand 2014), a log g of 4 (in cgs

units - as is typically used for cTTs) and a solar metallicity. For the line list ultimately

3http://vald.astro.uu.se
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Veiling at 617.50 nm (2010)
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Veiling at 617.50 nm (2012)
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Figure 3.5 — Veiling at 617.50 nm over time, shown folded in phase with an 8.2 day period, for the
2010 (top panel) and 2012 observations (bottom panel). Different colors and symbols represent

different rotation cycles.
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used for LSD, lines with a non-zero Landé factor were selected, while for the line list

used to obtain stellar parameters they were not.

Next, in the case of the line list intended for LSD, a line mask was created with a
script written by J. Morin and using the VALD line list. This script assumes an ATLAS9
stellar atmosphere model (see Kurucz 1993) and allows one to ignore telluric and
emission lines.

3.2.5 Recovering the LSD profiles of absorption lines

A spectrum can be viewed as the convolution of a line mask with the LSD profile (see
Sect. 1.2.4). Here the goal is to recover the LSD profiles of the photospheric absorp-
tion lines, which means that the spectra need to be deconvolved by the line mask.
The program used to obtain the LSD profiles was written by Donati et al. (1997). The
selected wavelength range started at 500 nm and ended at 1 000 nm, excluding the
blue edge of the spectra because of excess noise. The code allows to ignore parts
of the spectrum, so regions with telluric and emission lines were excluded. The lines
most affected by accretion were excluded as well. They were identified by comparing
with the spectrum of RU Lup, a cTTs of the same spectral type as DK Tau but pre-
senting with a higher mass accretion rate. Indeed, the spectrum of RU Lup has many
lines in emission due to the stronger accretion. The lines that are in emission in the
spectrum of RU Lup were chosen to be excluded, since they are clearly very sensitive
to accretion (see Stock et al. 2022, for an example of the spectrum of RU Lup).

An LSD profile is normalized by three parameters: the equivalent Landé factor (g),
the equivalent line depth (d) and the equivalent wavelength (1 - see e.g. Kochukhov
et al. 2010). As they affect how the depth and amplitude of the Stokes | and Stokes V
LSD profiles are scaled, for the magnetic field measurements to be correct, these
parameters have to be representative of the lines that are used in the computations.
A is set to a value that roughly corresponds to the average wavelength of the lines
in the mask, whereas the values of g and d are manually adjusted until the weights
used to normalize Stokes | and Stokes V are both equal to one. These parameters
are then used consistently in LSD and ZDI (See Sect5.2.1). Ultimately, for DK Tau,
the parameters were set to g = 1.41, d = 0.47 and A = 650.0 nm for all the nights
and LSD was applied to each veiling-corrected spectrum. The LSD profiles were
then normalized to be at the same equivalent width. The latter was done in order to
correct for the residual effects of veiling.
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3.2.5. Recovering the LSD profiles of absorption lines

Moonlight contamination

The Stokes | LSD profiles of the ESPaDONS and NARVAL observations made on 19
December 2010 presented a small absorption feature blueward of the main absorp-
tion line (see bottom panel in Fig. 3.6), while the other nights all showed a single pho-
tospheric absorption line. This small absorption feature is due to scattered moonlight.
Indeed, the full Moon was close to DK Tau on that night (with an angular separation
of ~ 8°). Furthermore, the contamination is at the expected lunar radial velocity in the
heliocentric rest frame+#. This type of contamination has been observed before (see

e.g. Donati et al. 2011).
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Figure 3.6 — LSD profile (in the heliocentric velocity frame) for the sixth night of the 2010 ES-
PaDOnS observations (red line). The top panel displays the Stokes V parameter and the bottom
panel the Stokes | parameter, normalized to the continuum. On this night, scattered light from the
Moon caused the small blueward absorption feature in Stokes I. For comparison, the Stokes | pa-
rameter of the seventh night of the 2010 ESPaDONS observations (maroon dashed line), which did
not suffer from moonlight contamination, is shown.

In order to manually remove the contamination, the wing of the main absorption
feature was fitted with that of a Voigt profile. Figure 3.7 shows the LSD profiles of
the photospheric absorption lines for the 2010 and 2012 epoch (in gray) and their

averages (in red).

4The online applet at https://astroutils.astronomy.osu.edu/exofast/barycorr.
html and based on Wright and Eastman (2014) can be used to calculate the correction to apply
to geocentric observations in order to transpose them in the heliocentric rest frame. In this case,
the correction is -8.8 kms™'. Applied to the Moon’s radial velocity of 0kms™" in the geocentric rest
frame, this translates into a radial velocity of -8.8 km s~' in the heliocentric rest frame.
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Figure 3.7 — Stokes V and Stokes | profiles (in gray) and average (in red) of the photospheric absorp-
tion lines, for the 2010 (top panel) and 2012 (bottom panel) observations.
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3.2.6. Average line-of-sight magnetic field in absorption lines

3.2.6 Calculation of the average line-of-sight magnetic field in
absorption lines & determination of the stellar period

Magnetic fields are ubiquitous in star formation and play different important roles (see
Sect. 1.2.1). Consequently, magnetic field studies are essential in order to further the
current understanding of star formation. The large-scale magnetic fields associated
with the non-accreting areas of the stellar surface are traced by the StokesV pa-
rameters of photospheric absorption lines (see e.g. Donati et al. 2007). The average
line-of-sight magnetic field (Bjos - See Sect. 1.2.5) linked to non-accreting regions was
thus derived from the LSD profiles of photospheric absorption lines using Eq. 1.2.4.
In comparison to a ZDI map (see Sect. 1.2.7), Bjos provides less information, but in
return depends much less on stellar parameters (see Sect.5.2.1).

In 2010, Bjos ranges from -0.19 + 0.05kG to 0.20 + 0.03kG. In 2012, it ranges
from -0.13 + 0.02kG to 0.08 + 0.02kG. Table 3.1 lists the values of the Byys for the
photospheric absorption lines for both epochs. Figure 3.8 shows these values folded
with the stellar rotation phase. It should be noted that, since Bjys represents a signed
average over the visible stellar hemisphere, regions of opposite polarities partly can-
cel out.

Determination of the stellar rotation period

In order to determine the stellar rotation period, a phase dispersion minimization
(PDM - see Stellingwerf 1978) technique was applied to the values of By,s for the
photospheric absorption lines for the 2010 epoch. This yielded a period of 8.20 +
0.13days. In essence, the PDM technique folds the observational points for a given
period and measures the amount of jitters. This was done for periods ranging from
2 to 32days, with bins of 0.1 days. The best fitting period is the one with the least
amount of jitters. The error bars were calculated using a Monte Carlo method: each
Bios value was randomly varied within its error bars (assuming a gaussian distribu-
tion) and the PDM technique was applied each time. The standard deviation of the
PDM results was then taken as the errors bars on the period.

As this is the period of the modulation of the stellar magnetic field, it accurately
represents the stellar rotation period. In addition, it is consistent with values found
in the literature and based on photometry: 8.4 days from Bouvier et al. (1993), and
8.18days from Percy et al. (2010) and Artemenko et al. (2012). Small discrepancies
could be explained by differential rotation: different measurements tracking features
at various latitudes.
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Figure 3.8 — By, for the photospheric absorption lines over time, shown folded in phase with the
derived 8.2 day period, for the 2010 (top panel) and 2012 (bottom panel) epochs. Different colors
and symbols represent different rotation cycles.

62



3.2.7. Study of accretion-powered emission lines

Table 3.1 — By for the photospheric absorption lines.

Date Rotation cycle Bios
(yyyy-mm-dd) (8.2 day period) (G)
2010-11-26 0.00 -148.49
2010-12-09 1.58 131.92
2010-12-10 1.70 16.08
2010-12-13 2.07 -185.01
2010-12-14 2.14 -186.52
2010-12-15 2.25 -90.83
2010-12-16 2.37 30.36
2010-12-17 2.49 205.23
2010-12-18 2.61 87.10
2010-12-19 2.73 31.08
2010-12-19 2.80 6.72
2010-12-24 3.35 10.11
2010-12-26 3.61 100.33
2010-12-30 4.09 -148.73
2011-01-03 4.64 93.22
2012-11-19 0.00 -29.55
2012-11-25 0.78 -124.88
2012-11-28 1.15 -17.76
2012-11-29 1.28 81.99
2012-12-01 1.52 -15.75
2012-12-02 1.63 -78.84
2012-12-04 1.89 -74.67
2012-12-07 2.24 -5.17
2012-12-09 2.55 -87.57
2012-12-10 2.60 -102.34
2012-12-12 2.81 -35.25
2012-12-23 418 26.34

3.2.7 Study of accretion-powered emission lines

After analyzing the photospheric absorption lines, emission lines associated with ac-
cretion shocks were also investigated, in particular the narrow component of the
587.6 nm Hel line and of the Caun infrared triplet (IRT - at 849.8 nm, 854.2nm and
866.2nm). Since they are tracers of the fields present at the footpoints of accretion
columns (see e.g. Johns-Krull et al. 1999; Donati et al. 2007), they can be used to
get more information on the magnetic field. These lines are known to have various
components (see e.g. Beristain et al. 2001; McGinnis et al. 2020), often containing
a narrow component (NC), which originates from the accretion shock, and a much
broader component (or components), which presumably forms farther out in the ac-

cretion columns or in outflows.

P. McGinnis carried out the preparation of the lines by fitting them with two or more
Gaussians to isolate the NC (by subtracting the other components), then by averaging
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3.2.7. Study of accretion-powered emission lines

the three NCs of the Call lines into a single LSD-like profile. This was done in order
to increase the signal to noise ratio, as it has been done in other studies (see e.g.
Donati et al. 2007, 2008, 2012).

Figures 3.9 and 3.10 show the Stokes | and Stokes V profiles of the Hel emission
line and the Can IRT, for the 2010 and 2012 epochs. The various nights are rep-
resented in gray, while the averages are shown in red. The Stokes V profiles of the
emission lines show similar signatures with phase. This indicates that the accretion
spots are mostly likely located at a high enough latitude to be visible with the same
polarity at all times.

Calculation of the average line-of-sight magnetic field in emission lines

The average line-of-sight magnetic field (Bos - see Sect. 1.2.5) was measured in the
accretion-powered emission lines using Eq. 1.2.4. This allows one to recreate a pic-
ture of the component of the stellar magnetic field that dominates the accretion pro-
cess. For the Hel line, B ranges from 0.20 + 0.51 kG to 1.77 + 0.08 kG in 2010,
and from 0.48 + 0.09kG to 1.99 + 0.09kG in 2012. For the Can IRT, Bjos ranges from
0.34 £ 0.04 kG t0 0.95 + 0.02kG in 2010, and from 0.26 + 0.02kG to 1.41 + 0.05kG
in 2012. Table 3.2 lists the values of By, for the emission lines for both epochs. Fig-
ures 3.11 and 3.12 shows these values folded in phase, for the Hei line and the Cau
IRT respectively.

For both the Heli line and the Caunl IRT, the peak values of Bjys are higher in 2012.
The values measured through the Can IRT are lower than the ones measured through
the Hel line. While the Hel line is believed to be generated at the base of the accre-
tion column, the Cail IRT is thought to probe both the accretion region and the non-
accreting chromosphere. The lower values of Bog for the Cail IRT could stem from
the dilution of the emission from the accretion shock by chromospheric emission (see
e.g. Donati et al. 2010, 2019), resulting in the Stokes V and Stokes | profiles being
shallower for the Can IRT than for the Hel line.

The peak values of By in the emission lines are one order of magnitude larger
than the peak values of Bos derived from the LSD profiles of the photospheric absorp-
tion lines (see Fig. 3.8), showing strong fields in the accretion shocks. This is con-
sistent with the current magnetospheric accretion paradigm, in which the accretion
shocks are compact regions with some of the strongest magnetic fields. In addition,
this is consistent with the values measured for other cTTs (see e.g. Donati et al. 2007,
2008), where the Byos from accreting regions usually reach several kG, whereas the
Bios linked to non-accreting areas only reach a few hundred G. This is believed to be
related to the magnetic geometry: accreting regions would display a simple magnetic
geometry; while non-accreting photospheric magnetic fields would display a geom-
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Figure 3.9 — Stokes V and Stokes | profiles (in gray) and average (in red) of the Hel emission line, for
the 2010 (top panels) and 2012 (bottom panels) observations.
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Figure 3.10 — Same as Fig. 3.9, for the Can IRT.
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Figure 3.11 — By for the Hei line over time, shown folded in phase with an 8.2 day period, for the
2010 (top panel) and 2012 (bottom panel) epochs. Different colors and symbols represent different
rotation cycles.
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Figure 3.12 — Same as Fig. 3.11, for the Caul IRT.
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3.2.8. Measurement of the magnetic obliquity

Table 3.2 — Bjos for the accretion-powered emission lines.

Date Rotation cycle Bios Bios
(yyyy-mm-dd) (8.2 day period) for Hei (G) for Can (G)
2010-11-26 0.00 688.77 341.07
2010-12-09 1.58 912.45 778.92
2010-12-10 1.70 1601.15 781.50
2010-12-13 2.07 -201.64 450.74
2010-12-14 2.14 970.06 610.67
2010-12-15 2.25 1392.66 621.40
2010-12-16 2.37 1473.35 949.06
2010-12-17 2.49 1579.56 826.53
2010-12-18 2.61 1321.08 699.57
2010-12-19 2.73 1759.99 663.43
2010-12-19 2.80 1023.12 760.05
2010-12-24 3.35 1767.61 944.87
2010-12-26 3.61 923.56 671.05
2010-12-30 4.09 1198.59 426.48
2011-01-03 4.64 803.45 771.46
2012-11-19 0.00 1957.62 1411.28
2012-11-25 0.78 1988.06 876.93
2012-11-28 1.15 1130.63 838.51
2012-11-29 1.28 939.35 782.20
2012-12-01 1.52 479.01 300.70
2012-12-02 1.63 606.14 397.38
2012-12-04 1.89 1670.70 1052.93
2012-12-07 2.24 1872.10 1149.95
2012-12-09 2.55 1178.70 828.18
2012-12-10 2.60 1349.05 561.12
2012-12-12 2.81 1137.52 263.62
2012-12-23 4.18 1435.56 850.50

etry that is tangled (which leads to cancelation effects) and more complex than a
dipole, with often a strong octupole component (see Donati and Landstreet 2009).

The values of Bjg in the emission lines in 2012 do not fold well in phase. This
may be due to the location of the accretion shocks being more dynamic and/or the
accretion being more complex, with more than one accretion shock. This is also
observed in the variability of veiling in 2012 (see Fig. 3.5), which does not fold well

with the stellar rotation phase.

3.2.8 Measurement of the magnetic obliquity

Using Eq. 1.2.5, an inclination j of 58° (see Sect. 3.3.1) and the extreme values found
for Bjos in the accretion-powered emission lines (see Sect. 3.2.7), an estimate of the
magnetic obliquity (8 - see Sect. 1.2.6) was calculated. This equation assume a pure
dipole, a simplification of the magnetic field present in the accretion shocks. The
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3.2.9. Truncation & co-rotation radii

estimate is not the magnetic obliquity of the entirety of DK Tau’s magnetic field, as
it is based solely on the average line-of-sight magnetic field present in the accretion
shocks. In addition, the calculation uses the extreme values for B,s and does not
account for variability between nights. The magnetic obliquity was calculated using
the accretion-powered emission lines because it is assumed that the magnetic field
present in the accretion shocks is the one that reaches the circumstellar disk. Thus,
the derived magnetic obliquity can be seen as an acceptable reflection of the real
dipole present above the stellar surface. For the Hel line, 8 = 26° in 2010 and 21° in
2012. For the Can IRT, 8 =16°in 2010 and 23° in 2012. These estimates are consis-
tent with the Stokes V signatures of the emission lines (see Sect. 3.2.7), confirming
that DK Tau experiences nearly poleward accretion.

These estimates are also consistent with the magnetic obliquity of 18° (+8)(-7)
derived by McGinnis et al. (2020) for DK Tau in 2011, using the radial velocity vari-
ability of the Hel line and assuming one accretion spot. There is thus an agreement
between the values derived from the magnetic field that drives the accretion and the
value derived from a result of accretion.

3.2.9 Truncation & co-rotation radii

The values of Bjgs in the emission lines can also help in estimating the location of
the truncation radius (see Sect. 1.4.1). In order to calculate the values of this radius,
several quantities are needed. First, the stellar mass accretion rate (see Sect. 1.3.4)
was calculated. For this, the equivalent width (EW) of several emission lines was
measured. These lines were Ha, HB, Hy, the Hel lines at 447.1 nm, 667.8 nm and
706.5 nm, as well as the Cail IRT at 849.8 nm, 854.2 nm and 866.2 nm. The EW were
subsequently corrected for veiling using Eqg. 1.3.5. As the ESPaDONS and NARVAL
spectra are not flux-calibrated, the EW were flux-calibrated using a photospheric tem-
plate and Eq. 1.3.4, resulting in line fluxes.

The photospheric template was created using a script written by P.McGinnis
(based on a code originally written by W. Landsman). The template is based on a
VLT/X-shooter spectrum of SO879, a wTTs with a K7 spectral type (see Stelzer et al.
2013). The code first corrects the spectrum for extinction, using the reddening curve
from Cardelli et al. (1989), with the update from O’Donnell (1994). The script then
scales the wTTs spectrum to have the same luminosity (i.e. 1.65L - see Nelissen
et al. 2023a) and be at the same distance (i.e. 132.6 pc - see e.g. Gaia Collaboration
et al. 2016, 2018, 2022) as DK Tau. Finally, it extracts the continuum by removing
absorption and emission lines in the same manner as the spectrum normalizing script
written by Folsom et al. (2016) (see Sect.3.2.1).

To clarify, when measuring the values of veiling (see Sect. 3.2.3), an ESPaDONS
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3.2.9. Truncation & co-rotation radii

spectrum of the wTTs TAP45 was used because of its high resolution. As ESPaDONS
spectra are not flux-calibrated, that spectrum could not be used to extract the photo-
spheric continuum of DK Tau. Conversely, the X-shooter spectrum of SO879 could
not be used to derive the veiling because of its lower resolution. In the absence
of an appropriate wTTs spectrum to use as a template in both circumstances, both
TAP45 (for the determination of veiling only) and SO879 (for the determination of the
accretion luminosity only) were used in this work.

After obtaining the line fluxes, the luminosity in each line was derived using
Eq.1.3.3. Next, the relations in Table B.1. from Alcald et al. (2017) were used to
calculate the accretion luminosity in each line (see Eq. 1.3.2). The obtained values
were subsequently averaged for each night. The average over all nights in each
epoch was then taken as the accretion luminosity, and the standard deviation of the
spread in the values found from different nights were taken as the error bars. This
yields Ly = 0.26 + 0.18 L for the 2010 epoch and L, = 0.49 + 0.42 L, for the
2012 epoch. These values are similar, within the error bars, to the ones found for
instance by Fischer et al. (2011) (i.e. 0.17 L) or by Fang et al. (2018) (i.e. 0.16 L).

Using Eq. 8 from Gullbring et al. (1998), the accretion luminosity was then con-
verted into mass accretion rate (see Eq. 1.3.1). For this, the values of R, = 2.48 Ry
(see Sect.3.2.2), M, = 0.7 My (see Johns-Krull 2007), and R, = 5 Rx (as is typ-
ically used) were adopted. This yields log (Macc[Moyr~']) = -7.43 in 2010, and
log (Macc[Mo yr™']) = -7.15 in 2012. These values are consistent with the one of
-7.42 quoted by Gullbring et al. (1998).

Next, Eqg. 6 from Bessolaz et al. (2008) was used to estimate the truncation radius
(see Eqg. 1.4.1). This equation assumes an axisymmetric dipole, which is a simplifi-
cation of the magnetic topology of DK Tau. It also uses the dipolar field calculated at
the equator as Bey. Considering the equatorial value is half of the value at the pole,
the latter was estimated using the extreme values of Bjos (see Preston 1967) in the
emission lines. This is an approximation, as part of the B,,s could come from higher
order multipoles, in particular from the octupole, rather than the dipole. The magnetic
field derived from the accretion-powered emission lines was used considering it will
dominate over the magnetic field derived from the photospheric absorption lines at
the distance of the truncation radius. The estimated values for the truncation radius
are ryune ~ 5.2 + 1.1 R, for the Hei emission line in 2010, ryync ~ 3.9 = 0.8 R, for the
Can IRT in 2010, ryync ~ 4.7 = 1.2 R, for the Hel emission line in 2012, and ryync ~
3.9 + 1.0 R, for the Can IRT in 2012. The estimates are lower when using the Call

IRT. This stems from the lower values found for Bjo in those lines (see Sect. 3.2.7).

The co-rotation radius was calculated as well, using Kepler’s third law (see
Sect.1.4.2), with M, = 0.7My (see Johns-Krull 2007) and P = 8.2days (see
Sect. 3.2.6). This yields rgo.rot = 6.1 Rx.
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3.3. Discussion

It is found that the truncation radius estimates are consistent with the co-rotation
radius value. This implies that DK Tau is unlikely to be in the propeller regime (see
Sect. 1.3.2 and 1.4.1), an unstable accretion regime, as the truncation radius is not
farther than the co-rotation radius (see Romanova et al. 2018).

For the 2010 epoch, DK Tau may be in the stable accretion accretion regime,
since the Bjos and veiling seem fairly periodic. The truncation radius being slightly
smaller than the co-rotation radius is consistent with this as well (see e.g. Romanova
and Owocki 2015; Blinova et al. 2016).

3.3 Discussion

In this section, two points in particular will be discussed. The first one concerns in-
consistencies regarding the inclination of the stellar rotation axis when using the value
for the inclination of the outer disk axis. The second one relates to the description of
the magnetic field derived from the accretion-powered emission lines.

3.3.1 Inconsistencies regarding the rotation axis inclination

One might assume that the inclination angle i of the stellar rotation axis with respect to
the line-of-sight is 21° based on the inclination of the outer disk axis (see Rota et al.
2022). Yet DKTau’s lightcurve classifies the star as a dipper (see Roggero et al.
2021). The traditional explanation invokes circumstellar material passing in front of
the star and occulting it (see Sect. 1.4.2). If the disk is seen close to edge-on, matter
lifted above the disk plane could cause these occultations. However, DK Tau’s outer
disk is seen nearly pole-on, which is inconsistent with this scenario, unless the stellar
rotation axis is at a very different angle than that of the outer disk axis. Moreover,
based on the stellar rotational properties derived in this chapter (i.e. P = 8.20 %
0.13days, vsini = 13.0 + 1.3kms™', R, = 2.48 + 0.25R,) and using the following
relation

. Ry
vsini =

sini (3.3.1)

a much higher rotation axis inclination of i = 58° (+18)(-11) is derived. Consequently,
if DK Tau is in fact seen nearly pole-on with a rotation axis inclination of i = 21°, then
P, vsini and R4 are not consistent with each other. The accuracy of each one of
these parameters therefore needs to be investigated.

It is possible that the stellar radius may have been underestimated, as it is the
most uncertain of these parameters. This is because it depends on an accurate de-
termination of the effective temperature and stellar luminosity. Both can be subject to
fairly large uncertainties, particularly the luminosity for a star with a dipper lightcurve
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which likely suffers from variable extinction. However, when considering that P, v sini
and i are accurately determined, then it is required that R, = 6 =1 R, for this formula
to agree, which is unrealistically large for a TTs.

Another possibility is that the period or v sini may be inaccurate. Regarding
v sin i, the measured value agrees within error bars with the one derived by McGinnis
et al. (2020), despite using two different assessment methods. It is therefore a value
that can be trusted. This leaves the stellar rotation period.

In the literature, the stellar rotation period of DK Tau has been measured using
photometry with values ranging from 8.18 days (see Percy et al. 2010; Artemenko
et al. 2012) to 8.4 days (see Bouvier et al. 1993). However, since the photometry is
dominated by flux dips that might be due to extinction events (Roggero et al. 2021),
it is possible that these dips are caused by circumstellar material that is not located
at the co-rotation radius. In that case, the measured period would not be the same
as the stellar rotation period.

In Sect. 3.2.6, the period was derived from the rotational modulation of the av-
erage line-of-sight magnetic field in absorption lines, which should accurately repre-
sent the stellar rotation period. In the context of exoplanet search programs, Bqs is
indeed often considered as the most reliable indicator of stellar rotation period (see
e.g. Hébrard et al. 2016). Additionally, the value of 8.20 + 0.13 days that is derived is
consistent with those found in the literature from photometry. The value for the period
can therefore be trusted.

Furthermore, this rotation period can be seen in a number of datasets. For ex-
ample, P. McGinnis computed bidimensional periodograms of the intensity of the Hel
emission line, and the Stokes I/V LSD profiles of the photospheric absorption lines
(see Nelissen et al. 2023a). The Hel line comes from the accretion shock and should
therefore vary with the stellar rotation period. In 2010, a period around 8 days is found
for the Hel line, however this period is very uncertain. The Stokes V profile also shows
a period near 8.5 days, but again the uncertainty is large. The Stokes | profile does
not show a clear period. In 2012, there is no clear period found from the Hel line,
likely because accretion is more intrinsically variable in this epoch than two years
prior. Again, no clear period is observed from the Stokes | profile, but the Stokes V
profile shows a possible periodicity at around 8 days (albeit with a large uncertainty,
as in 2010).

In addition, the variation of the 2010 veiling as a function of time is also consistent
with an 8.2 day period (see Fig. 3.5). The variation of the 2012 veiling as a function of
time, however, does not seem to follow any trend with the period. This is consistent
with the intensity of the Hel line not showing a clear correlation with period in this
epoch, since both are tracing accretion. This is another indication that there must
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3.3.1. Inconsistencies regarding the rotation axis inclination

be some intrinsic variability in the mass accretion rate in 2012, which masks any

rotational modulation of the accretion spot(s).

Looking at the possibility of the rotation period or v sinj being inaccurate shows
evidence to the contrary. Because their values appear to be accurate, it can be de-
duced that it is the value for the inclination that is problematic. The conclusion is that
the inclination measured for the outer circumstellar disk axis must not represent the
inclination of the rotation axis of the star. This suggests that there is a considerable
misalignment between the rotation axis of DK Tau and its outer disk axis. As previ-
ously mentioned, when calculating the rotation axis inclination of DK Tau based on its
rotational properties using Eq. 3.3.1, it is found that / = 58° (+18)(-11). It follows that
the outer disk axis of DK Tau is likely misaligned compared to its rotation axis. Fig-
ure 3.13 illustrates this misalignment. The observer is represented by the telescope
and the line-of-sight by the gray line. The stellar rotation axis is in red and is inclined
by 58° compared to the line-of-sight. The outer disk axis is in blue and is inclined by
21° compared to the line-of-sight.

Figure 3.13 — Sketch (not to scale) showing DK Tau in the center, surrounded first by its inner disk,
then by its outer disk which is considerably misaligned. The rotation axis at 58° is in red, the outer
disk axis at 21° is in blue, and the line-of-sight axis is in gray (by C. Delvaux).

Misalignments between the inner and outer circumstellar disk axes of TTs are
starting to be more commonly observed, when combining near infrared interferomet-
ric VLTI/GRAVITY data and millimeter interferometric ALMA data (see e.g. Ansdell
et al. 2020; Bouvier et al. 2020), or with shadows observed with VLT/SPHERE (see
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3.3.2. Magnetic field in the accretion-powered emission lines

e.g. Benisty et al. 2018; Sicilia-Aguilar et al. 2020), or with VLTI/GRAVITY (see e.g.
Bohn et al. 2022). This work has found a misalignment between the outer disk axis
and the rotation axis. What of the inner disk axis? In young dippers like DK Tau,
the material that causes the dips is believed to be located in the inner accretion disk
(see Bouvier et al. 2007; McGinnis et al. 2015), which needs to be observed at high
inclinations in order for the material to cross the line-of-sight to produce the dips.
Therefore an inclination of 21° for the inner disk of DK Tau is difficult to reconcile
with its dipper lightcurve. Moreover, the inner disk axis is normally expected to be
aligned with the stellar rotation axis. It is therefore very likely that the inner disk axis
of DK Tau has the same inclination of i = 58° as was calculated for its rotation axis.
This inclination is sufficiently high to support the dipper behavior and there are other
cases of dippers with similar inclinations (see e.g. McGinnis et al. 2015; Roggero
et al. 2021). DK Tau is one more example of a TTs with a misalignment between its

inner and outer circumstellar disk axes.

DK Tau is also a wide binary system (with the subject of this work being DK Tau A),
and the misalignment could stem from the binary formation mechanism. Indeed,
turbulent fragmentation might produce disk axes that are more randomly oriented. It
is however interesting to note as well that the outer disk axis of DK Tau B is inclined by
64° compared to the line-of-sight (see Rota et al. 2022). This could suggest a quasi-
alignment of the inner disk axis of DK Tau A (at 58° compared to the line-of-sight) with
the outer disk axis of DK Tau B. However, this hypothesis assumes that they are not
only aligned compared to the line-of-sight, but that the orientation of their nodes are

aligned as well, which is unknown.

3.3.2 Magnetic field in the accretion-powered emission lines

The Bjos derived from the photospheric absorption lines (see Sect. 3.2.6), provides
a partial view of the magnetic field of DK Tau that exclude the accreting regions, be-
cause photospheric absorption lines and accretion-powered emission lines form in
different regions of the stellar surface. It is the magnetic field present in these ac-
creting regions that is understood to best probe the global stellar magnetic field that
reaches to the circumstellar disk. The magnetic obliquity derived from the accretion-
powered emission lines is thus likely to be close to the actual value. The low magnetic
obliquity that is calculated (see Sect. 3.2.8), as well as the unchanging polarity of the
Bios in the emission lines (see Sect. 3.2.7), are consistent with the presence of an ac-
cretion spot always visible and close to the pole. This is where the accretion columns
connecting DK Tau to its circumstellar disk would be anchored. This is similar to what
has been found for several other cTTs (see e.g. Johnstone et al. 2014; McGinnis et al.
2020).
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For the 2010 epoch, it can be noted that the magnetic field in the Can IRT (and in
the Hel line - see Fig.3.11 and 3.12) is at a maximum close to the same phase (i.e.
around phase 0.3) as the maximum in the veiling (see Fig. 3.5), which is when the
accretion shock is in the line-of-sight. Around phase 0.5, there is a small redshifted
absorption in the Ha line (see Appendix A1), indicating that the accretion column is
in the line-of-sight. Since this is directly after the maximum of the magnetic field in
the emission lines and the increase in veiling, it is probably directly after the accre-
tion shock was in the line-of-sight. This indicates a spatial connection between the
magnetic maximum, the accretion shock and the accretion columns.

3.4 Conclusions

This chapter presented the study of DK Tau, a low-mass cTTs with significant veiling.
The analysis was carried out using dual-epoch spectropolarimetric observations (i.e.
collectedin 2010 and 2012). A T.g0f 4150 £ 110K and a v sinj of 13.0 + 1.3km s
are derived, in agreement with the literature. Peak values of veiling in the optical
(~550 nm) ranging from 0.2 to 1.8 in 2010, and from 0.2 to 1.3 in 2012 are found.

The B,s from the photospheric absorption lines (linked to non-accreting regions)
was derived. Values ranging from -0.19 + 0.05kG to 0.20 + 0.03kG in 2010 and
from -0.13 + 0.02kG to 0.08 + 0.02kG in 2012 are found.

A rotation period of 8.2 + 0.13 days was recovered using the values of Bjys in the
photospheric absorption lines for the 2010 dataset. This period was confirmed by
analyzing the variation of veiling as a function of time in 2010. It also agrees with the
values of period given in the literature from photometry.

Several inconsistencies related to the inclination of the stellar rotation axis with
respect to the line-of-sight are found. The measurement of the outer circumstellar
disk axis inclination gives a value of 21°+ 3 (see Rota et al. 2022). The lightcurve
of DK Tau, however, classifies it as a dipper (see Roggero et al. 2021), for which the
simplest explanation involves a star seen close to edge-on. Additionally, Eq. 3.3.1
shows that the inclination of 21°, the period, v sini and the radius are not consistent
with each other. When using the values of period, v sinj and stellar radius that were
derived in this work to estimate the inclination of the stellar rotation axis, a value of
i = 58° (+18)(-11) is found. Consequently, a substantial misalignment between the
rotation axis of DK Tau (at 58°) and its outer disk axis (at 21°) is likely.

To complement the partial picture of the B,s derived from the photospheric ab-
sorption lines, emission lines that are tracers of the magnetic fields present in the
accretion shocks were analyzed. The narrow component of the 587.67 nm Hel emis-
sion line and of the Cau infrared triplet (IRT - at at 849.8 nm, 854.2 nm and 866.2 nm)
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were examined and the values of B, were measured. Values ranging from 0.92 +
0.09kG to 1.77 + 0.08 kG for Hel in 2010, from 0.48 + 0.09kG to 1.99 + 0.09kG
for Her in 2012, from 0.42 + 0.02kG to 0.95 + 0.02kG for Cail in 2010, from 0.30
+ 0.01kG to 1.15 + 0.02kG for Can in 2012 were found. They are consistent with
only seeing one pole, suggesting that DK Tau experiences nearly poleward accretion.
This geometry is similar to what has been found for other cTTs (see e.g. Johnstone
et al. 2014; McGinnis et al. 2020).

An estimate of the magnetic obliquity was derived from the accretion-powered
emission lines using the third equation of Preston (1967). This equation assumes
a pure dipole, which is a simplification of the magnetic field present in the accretion
shocks. ltis the field present in these accretion shocks that is presumed to best probe
the global stellar field that extend to the circumstellar disk. The magnetic obliquities
derived from the accretion-powered emission lines are thus a reasonable reflection
of the real dipole present above the surface of the star. For the Helr line, a magnetic
obliquity of 26° for the 2010 epoch, and of 21° for the 2012 epoch are found. For
the Can IRT, a magnetic obliquity of 16° for the 2010 epoch, and of 23° for the 2012
epoch are found. These estimates are consistent with the magnetic obliquity of 18°
(+8)(-7) in 2011 derived by McGinnis et al. (2020), using the Hei line and assuming
one accretion spot.

The truncation radius was also estimated using the values of Bjys in the emission
lines. This yields ryync ~ 5.2 = 1.1 R, for the Hel line in 2010, ryync ~ 3.9 = 0.8 R, for
the Can IRT in 2010, ryync ~ 4.7 + 1.2 R, for the Hel line in 2012, and ryync ~ 3.9 +
1.0 R, for the Can IRT in 2012. The co-rotation radius was calculated as well: reo-rot
= 6.1 R4. The truncation radius values are consistent with the co-rotation radius.

In conclusion, DK Tau, presenting with significant veiling, has similar magnetic
properties as the more moderately accreting cTTs studied so far. Additionally, its outer
disk axis is likely to be misaligned compared to its rotation axis. This poses questions
with regards to standard models of circumstellar disk formation. More observations
of cTTs are needed to better understand the prevalence of such misalignments.
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4
Correlation between the optical veiling

& accretion properties:
A case study of DK Tau

ﬁ‘

HIS chapter is based on the following publication:

Nelissen, M.; Natta, A.; McGinnis, P; Pittman, C.; Delvaux, C.; Ray, T. (2023), As-
tronomy & Astrophysics, 677, A64.
https://doi.org/10.1051/0004-6361/202347231

4.1 Introduction & observations

The current chapter presents the investigation into the accretion properties and vari-
ability in DK Tau. To this end, the mass accretion rates (MaCC - see Sect. 1.3.4) for
each night were derived, using two different methods for comparison purposes. The
first procedure is based on the extraction of the accretion luminosity (Lacc) using
accretion-powered emission lines. The second compares accretion shock models
with the variability of the observed veiling in the optical range in order to determine
the mass accretion rates. Additionally, the optical veiling can also be used to infer
the values of the accretion luminosity. Furthermore, the evolution with time, as the
star rotates, of various accretion-related quantities can offer more insight into the

accretion process.

Observations taken in 2010 and 2012 with the ESPaDONS spectropolarimeter
(see Sect.2.1) were used for this purpose. Both epochs respectively cover 17 and
29 days. On 19 December 2010, the full Moon was close to DK Tau (see Sect. 3.2.5).
Because of the resultant scattered light, this night was ignored in the analysis.

The next section describes the analysis and the obtained results. It begins with
the recapitulation of the veiling data available. This is followed by an explanation of
the derivation of the photospheric continuum for this project. Finally, both methods
of determining the mass accretion rates and their outcomes are detailed.
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4.2. Analysis & results

4.2 Analysis & results

4.2.1 Recapitulation of the veiling data

The veiling data used for this project is the same as in the first project (see
Sect. 3.2.3), focusing on the ESPaDONS observations. It consists of values of veiling
from night to night and across the visible wavelength range. Using these values of
veiling as a function of the wavelength, and working in the logarithmic plane this time,
a linear relation was fitted through the points. This was done using a least squares
polynomial fit. The standard deviation (of the spread of points compared to the fit)
was used as the uncertainty of the fit. A list of the coefficients of the fits (i.e. from
y = ax + b, with a being the slope and b the vertical intercept) can be found in
Table 4.1.

Table 4.1 — Coefficients of the best linear fits to the observed veiling values

Date a (err) b (err)
(yyyy-mm-dd)
2010-12-14  -1.69 (0.45) 4.61 (1.28)
2010-12-15  -1.67 (0.45) 4.48 (1.27)
2010-12-16  -1.83(0.37) 4.83(1.03)
2010-12-17  -1.05(0.71) 2.24 (2.01)
2010-12-18  -0.85(0.51) 1.73 (1.45)
2010-12-24 -1.35(0.63) 3.33(1.79)
2010-12-26  -0.95 (0.54) 2.03 (1.52)
2010-12-30  -1.00 (0.21) 2.41 (0.61)
2012-11-25  -0.15(0.70) -0.25 (1.97)
2012-11-28  -2.09 (0.27) 5.80 (0.76)
2012-11-29  -1.29 (0.36) 3.34 (1.01)
2012-12-01  -0.85 (0.36) 2.07 (1.01)
2012-12-02  -1.36 (0.34) 3.56 (0.97)
2012-12-04 -1.68 (0.21) 4.73 (0.58)
2012-12-07 -2.19(0.36) 6.15(1.00)
2012-12-10  -0.90 (0.30) 2.03 (0.84)
2012-12-23  -0.71 (0.50) 1.60 (1.41)

Figure 4.1 shows the veiling at 617.50 nm folded in time with the stellar rotation
phase, for the 2010 and 2012 epochs. The error bars are the uncertainty of the fits.
The veiling folds well in phase for the 2010 observations. There is however more
scatter for the 2012 dataset. This is likely due to the veiling being modulated by
higher accretion activity and not only by the stellar rotation in this epoch.
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Figure 4.1 — Veiling at 617.50 nm over time, shown folded in phase with an 8.2 day period, for the
2010 (top panel) and 2012 epoch (bottom panel). Cycle 0 for the 2010 observations begins on De-
cember 17, while for the 2012 observations it begins on the first observation of 2012. This was done
in order to display the minimum at the same phase for both epochs. Different colors and symbols
represent different rotation cycles.
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4.2.2 Derivation of the photospheric continuum

Because ESPaDONS spectra are not flux-calibrated, it was necessary to use a photo-
spheric template. An improved version of the template creation procedure described
in the first project (see Sect. 3.2.9) was used here.

In this project, DKTau’s photospheric continuum was derived from a high-
resolution spectrum taken in 2018 by Gangi et al. (2022) at the Telescopio Nazionale
Galileo (TNG) using HARPS-N. The spectrum was first corrected for extinction using
a value of Ay = 1.2mag from Gangi et al. (2022). They estimated the extinction by
calculating the ratio of a flux-calibrated Asiago spectrum (see the next paragraph) and
an artificially reddened template of the same spectral type. In comparison, Herczeg
and Hillenbrand (2014) quote a value of Ay = 0.7 mag, whereas Fischer et al. (2011)
quote a value of Ay = 1.83 mag. The variability of the extinction is probably linked to
the dipper behavior of DK Tau (see Sect. 1.4.2 and Roggero et al. 2021). Next, the
veiling was measured as in Sect. 3.2.3. This yielded a small value with a flat depen-
dence on wavelength in the optical (i.e. R~ 0.2 with a < -0.90). The spectrum was
then deveiled.

Figure 4.2 plots the extinction-corrected and veiling-corrected HARPS-N spec-
trum (in red). Unfortunately, it does not cover the entirety of the wavelength range
used in this project (i.e. from 550nm to 900 nm). Consequently, a lower resolu-
tion spectrum which extends to slightly longer wavelengths was also plotted (in ma-
roon). This spectrum was used by Gangi et al. (2022), who obtained it at the Asiago
telescope! almost simultaneously to the HARPS-N data, for flux-calibration of the
HARPS-N spectrum. Finally, in order to cover the whole region of interest in terms
of wavelength, the photospheric continuum of the wTTs SO879 (in black) was used.
As in Sect. 3.2.9, this is based on a VLT/X-shooter spectrum. As in Sect. 3.2.9 again,
the spectrum was first corrected for extinction. It was then scaled to the distance and
luminosity of DK Tau, that is d = 132.6 pc (see e.g. Gaia Collaboration et al. 2016,
2018, 2022) and L = 0.65 Ly (with the luminosity value being derived from the flux-
calibrated HARPS-N spectrum).

Because the SO879 continuum is a good description of the DK Tau continuum in
the spectral range where they overlap, it was adopted as a good representation of
the photospheric continuum over the whole range of the ESPaDOnNS spectra.

In summary, as in the first project (see Sect.3.2.3 and 3.2.9), two photospheric
templates were used at two different stages of the analysis. In order to determine the
values of veiling (see Sect. 3.2.3), an ESPaDONS spectrum of the wTTs TAP45 was
used because of its high resolution. However, that spectrum could not be used to

IThe Asiago spectrum was flux-calibrated by Gangi et al. (2022) using spectroscopic and pho-
tometric observations of standards taken on the same night.
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Figure 4.2 — Template of DK Tau’s photospheric continuum (thick continuous black line) as a func-
tion of wavelength. The thin lines show the flux-calibrated spectra of DK Tau taken with HARPS-N
(continuous red line) and the Asiago Telescope (maroon dashed line), both corrected for extinction
and deveiled (see Gangi et al. 2022).

derive DK Tau’s photospheric continuum because ESPaDONS spectra are not flux-
calibrated. An X-shooter spectrum of the wTTs SO879 was used instead. The la